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ABSTRACT
The main focus of this dissertation is my observational study of the blue plume
(BP) of the Canis Major Over-Density (CMa), a recently discovered statistical overdensity of stars. In the discovery paper, Martin et al. (2004) claim that the CMa is the
remnants of a dwarf galaxy that has been cannibalized by the Milky Way. This
assertion was quickly challenged by other groups that claim that Martin et al. had
instead just observed the signature of the warped and flared disk of the Milky Way, or
perhaps previously unresolved spiral arm structure. My study set out to determine the
true nature of the BP, and is the first effort that combined photometry and
spectroscopy to study this population. There are two major results from this study.
First, I detail a new method for dealing with differential reddening using young main
sequence populations, and the total picture offered by combining photometry and
spectroscopy. The second result is the measured distances, radial velocities, and
stellar parameters for the stars of the BP. I will show conclusively that the BP of the
CMa is unequivocally a manifestation of the warped disk of the Milky Way.
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CHAPTER I
INTRODUCTION
This dissertation describes work in the field of observational astronomy. Since
research in astronomy is a recent addition to the physics department at Texas Tech
University, I know that some of my audience has little knowledge of what astronomers
actually do. Standard astronomy terminology will also be foreign to some readers. For
this reason I spend considerable time defining terms that many astronomers would
consider elementary. I apologize in advance to readers that have a previous working
knowledge in the field of observational astronomy.
The original title of this dissertation was “Globular Cluster Tidal Streams: An
Observational Study.” This title reflected the initial working plan for my research which
was, obviously, to search for tidal streams around globular star clusters. For those readers
that are not astronomers, I will define what I mean by “globular star clusters” and “tidal
streams” in more detail in Appendix B, which is dedicated to the search. But perhaps
some background material is in order to avoid immediate confusion. Globular star
clusters are large groups of stars (on the order of 106 stars) that are gravitationally bound
into roughly spherical groups. “Perhaps the most wonderful of all the star clusters are
those in which hundreds upon hundreds of faint stars are all gathered together in the
shape of the globe” is the way Reverend James Baikie described them in 1911 (Baikie
1911). William Harris of Canada’s McMaster University maintains a catalog of the
characteristics of the Milky Way’s globular clusters (Harris 1996). There are 150
globular clusters within the Milky Way according to his catalog. A tidal stream is a
stream of material, stars in the context of this dissertation, that has been stripped away
from the progenitor object through the action of gravity. I will address what globular
clusters and tidal streams are in greater details in Appendix B. I will fully describe my
search for tidal streams around a number of globular star clusters, and explain why that
search failed, or at the least is inconclusive.
As will be clear to my committee from the new title of this dissertation, “Tidal
Streams in the Milky Way: An Observational Study”, I expanded the original focus of my
1
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research to include another source of tidal streams, specifically the Canis Major Overdensity (CMa) which is a newly discovered object that is argued by some to be the
remnant of a dwarf galaxy that has been devoured by the Milky Way (Martin 2004a). I
originally started observing the CMa as a side-project not related to my dissertation, but
the side-project grew until more time had been spent on it than had been spent on
globular clusters. Telescope time has proven much easier to obtain for this object, and
the results are certainly more compelling. Since studying the CMa is still a study of tidal
streams I took the liberty, with the guidance of my advisor, of changing the title and
broadening the context of the dissertation.
Observational astronomers are nearly always at the mercy of telescope allocation
committees (TACs) that review our proposals to use the community access telescopes.
Scientists generally seek grant funding through a competitive process of proposing a
project, and having the proposal judged, and money awarded (or not) based upon the
proposal’s merits. Astronomers go through a similar process when we seek time to use
telescopes. Much like the grant process where there can be subjects that are in vogue and
seem to receive a disproportionate share of the money, there are observing topics that are
viewed as riskier undertakings. Much of the work of this dissertation amounts to making
the case to gain access to the larger telescopes that will be necessary to fully realize the
goals of this research. For the CMa, I ultimately received all the time I needed, on very
large telescopes. For the globular cluster tidal stream project, that has yet to happen. I
will discuss what telescopes I used and how I used them in later chapters, as well as
describe the future of these projects.
In chapter II, I provide an introduction to the field of observational astronomy. I
will introduce the tools that will be used in the rest of this dissertation. In chapter III, I
describe my study of the Canis Major Over-density (CMa) in detail. Chapter IV
summarizes my results, for the CMa, as well as for the research described in the
Appendices. I will also describe my on-going work. Appendix B describes my search
for globular cluster tidal streams, and Appendix C will describe my work observing RR
Lyrae variable stars, a side project I worked on that is related to tidal streams in a cursory
fashion.
2
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CHAPTER II
OBSERVATIONAL TECHNIQUES
2.1 Introduction
Observational astronomy is an experimental science, but one that has some
limitations that are not typically experienced by most experimental physicists. We do not
have the luxury of using laboratories and experimental designs that allow us to directly
control what we are studying. Ultimately astronomers have only the light emitted by
stars (or whatever object of astronomical interest we might be studying) to work with.
Historically, we had only light in the classical sense. Our atmosphere absorbs or reflects
the bulk of the incident radiation. There are a few useful windows to this radiation,
notably a window transparent to radio wavelengths and another transparent to “optical”
wavelengths. The optical wavelengths are those that our eyes can register, roughly
3,500-7,500Å. Figure 2.1 shows how far the light from different parts of the
electromagnetic spectrum reaches into our atmosphere. It is clear that the visible band
reaches all of the way to the Earth’s surface at sea level, as do radio wavelengths and a

Figure 2.1: EM spectrum on Earth vs. altitude. (NASA-Goddard 2004)
3
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small portion of microwaves. The part of the spectrum termed as “near infrared” can be
observed from observatories located at high elevations in dry climates. Water vapor in
the atmosphere can cause IR radiation to be absorbed from the spectrum at even higher
elevations. The bulk of the spectrum is not visible from the Earth’s surface. The history
of astronomy is therefore dominated by observations in the optical wavelengths. Radio
astronomy did not begin as a field until the middle of the 20th century. Our ability to
observe the bulk of the spectrum did not exist until satellites became a reality with the
launch of Sputnik I in 1957.
Ultimately, no matter what observing platform is used, astronomers have only
light to work with to glean information about what we are studying. We have to squeeze
as much information out of the light as we can, taking advantage of brightness
information as well as chemical and kinematic signatures apparent in the spectra of the
light. As I will detail throughout this chapter, getting the most out of that information
requires a great deal of understanding of what happens to that light on its journey to us.
We also have to be able to quantify the effects of the telescope and detector, the Earth’s
atmosphere, and even the interstellar dust between us and the object of interest.
In this chapter, I will also detail some of the tools astronomers use to understand
the information we are receiving. An understanding of these tools will be important to
understanding the later chapters of this dissertation.
2.2 Photometry
2.2.1 Introduction
Photometry is the science of measuring and calibrating the apparent brightness’s
of the stars. On the surface it sounds like a simple pursuit: count the number of photons
arriving from the star and we are done. In practice this is one of the most difficult
measurements that astronomers attempt. Obtaining accurate standardized measurements
is not a simple pursuit.
A physicist would likely read that description and assume that the results of the
measurement would be in some standard unit of energy flux, such as
flux reaching us from a star can be stated in its simplest form as:
4
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F=

L
4π d 2

(2.1)

where L is the luminosity of the star or the total energy output of the star per second, and
d is its distance from us. This is just a geometric relation, since the starlight spreads out

over the surface of a sphere as it propagates through space. This leads us to the obvious
conclusion that the apparent brightness of a star depends on both its intrinsic brightness,
which is its luminosity in astronomy parlance, and its distance from us.
But astronomers are very slow to break with tradition. The earliest attempt to
measure the brightness of stars in a systematic way is thought to have been made by
Hipparchus. The first known catalog of stars was amassed by Hipparchus in around the
year 120 BC. The stars in the catalog were given brightness classifications based upon
the naked eye, and coordinates that were believed to have been determined using an
armillary astrolabe sphere (Rawlins 1982). The system used by astronomers today to
measure the brightness of objects is still at its heart the same as that which Hipparchus
used. He put the stars into six classes. The brightest stars in the sky were called first
class stars, or stars of first magnitude. The faintest stars were of sixth magnitude. This
was an integer system of classification. Since the eye’s response to light is logarithmic in
nature, this is not a linear scale. It is important to note that 1st magnitude is brighter than
6th magnitude. This peculiarity remains today. The brightest objects, such as the Sun,
have negative apparent magnitudes.
Hipparchus’s catalog is lost to antiquity, and there is debate over how many stars
that catalog actually contained and which coordinate system might have been used.
Ptolemy’s catalog entitled the Almagest, which contained 1025 stars, is thought to be
largely a reproduction of Hipparchus’s work. Ptolemy claimed to have observed all of
the stars himself, but there is considerable debate as to whether most or even all of his
work was just copied from Hipparchus’s catalog and precessed, incorrectly, to his own
date. In any case, the magnitude system we use today is based largely upon Hipparchus’s
work (Rawlins 1982).
To be useful to us now we need the system to be more quantitative in nature. A
large step was made towards this goal by the British astronomer Norman Robert Pogson
around 1854. It was known that the difference between Hipparchus’s first magnitude
5
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stars and his sixth magnitude stars was roughly a factor of 100 times in brightness.
Pogson proposed that this factor of 100 be adopted as the standard. Then each step on the
magnitude system would be a factor of 5 100 , or 2.512, in brightness. This factor is
referred to now as Pogson’s ratio (Henden and Kaitchuck 1990).
The mathematics of the magnitude system then works in the following way. If we
want to compare two stars that have different known fluxes, say F1 and F2, we know that
a five magnitude difference must correspond to a flux ratio of 100. That implies:
F1
= 100
F2

( m2 − m1 )
5

or:
F1
= 10
F2

( m2 − m1 )
2.5

If we take the base 10 logarithm of both sides, this can be written in the more standard
form:
m2 − m1 = 2.5log10 (

F1
)
F2

(2.2)

This equation is useful for relating two stars of differing magnitude in terms of their
relative fluxes (Kutner 2003).
So far, we have dealt only with the apparent magnitude. I have used the standard
notation of using a lower case ‘m’ to represent how bright a star appears to be. It is not
readily clear what this tells us about the actual brightness of the star since the flux we
perceive depends both upon the star’s intrinsic brightness and its distance from us. We
often would like to know how bright a star is independent of distance. To introduce a
measure of brightness at the star to the magnitude system, we need to define a way of
determining a magnitude that is independent of the distance to the star. Astronomers
refer to this magnitude as absolute magnitude. We define absolute magnitude,
represented as ‘M’, as the magnitude a star would have if we placed it at a distance of 10
parsecs (pc). A parsec is a unit of distance that is defined as the distance at which the
orbital radius of the Earth about the Sun would subtend an angle of one arcsecond. One
parsec is approximately 3.26 lightyears.

6
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I noted above that the flux received from a star is: F =

L
4π d 2

If I substitute this into equation (2.2), I can obtain an equation for magnitude that
contains the distance to the star:
d 22 L1
m2 − m1 = 2.5log10 ( 2 )
d1 L2
If we choose to define absolute magnitude as the magnitude a star would have if it was
located at a distance of 10 pc, then L1 = L2. We are talking about the same star and L
represents an intrinsic brightness. In the above equation I will let m1 be the absolute
magnitude (M) and m2 be the apparent magnitude the star has at a distance d2 = d. Then
d1 = 10 pc, and we have:
m − M = 2.5log10 (

m − M = 5log10 (

d2
)
102

d
)
10

or, finally:
m − M = 5log10 d − 5

(2.3)

With this equation, we can relate apparent and absolute magnitude for a star of a given
distance d. The distance to a star is likely one of the single most difficult quantities to
obtain in astronomy. This equation tells us that if we can find the absolute magnitude in
some manner, we will know the distance. For this reason, (m - M) is commonly referred
to as the distance modulus of a star. Determining the absolute magnitude is not a trivial
exercise.
2.2.2 A brief history of photometry
Having defined the basic nature of the magnitude system in general we are still
left with a great number of problems to solve before we can actually attempt to measure a
magnitude. Hipparchus’s original system was based upon how brightly stars appeared
relative to each other using the naked eye. As the history of astronomy progressed
scientists eventually began to make use of telescopes to reach deeper than the 6th
7
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magnitude naked eye limit. Galileo is believed to be the first scientist to point a telescope
at the stars, a simple refracting telescope. Newton later used a telescope that utilized a
large mirror to collect the light, a design that still bears his name. Until 1840 all of
astronomy still ultimately used the human eye as the instrument to record the image and
to attempt to measure the brightness and other characteristics of the objects observed. A
well-trained astronomer could make magnitude difference measurements by eye by
comparing the star in question to other nearby comparison stars to an accuracy of around
0.2 magnitudes. This method made comparisons of results between astronomers
problematic since the sensitivity of the eye to different colors of light can vary,
sometimes dramatically, from observer to observer. By early in the 19th century this
technique had been improved through the use of the Zöllner photometer, which consisted
of a tunable artificial comparison star viewable through the eyepiece at the telescope
(Henden and Kaitchuck 1990). With this aid, the accuracy improved to around a tenth of
a magnitude, and was repeatable from night to night and observer to observer.
This remained the state of the art technique until around 1840. Louis Daguerre
made his first “daguerreotype” in 1839. Almost immediately astronomers recognized the
possibilities offered by Daguerre’s process. Much of the terminology of modern
photography was coined by the English astronomer Sir John Herschel, the son of the
famous astronomer Sir William Herschel. In a lecture to the Royal Society on March 14,
1839, Sir John Herschel is believed to have first used the word “photography”. He
derived the word from the Greek words meaning “writing with light”. He is also credited
with first using the word “snapshot”, and the words “positive” and “negative” in the
modern photographic sense (Crawford 2005).
Astronomers realized quickly that photography offered for the first time the
opportunity to collect light over time. This allowed them to “see” fainter objects, and
hence see deeper than they ever had before. Film is not perfect for use in astronomy by
any means. One serious difficulty which limits the accuracy of magnitudes determined
with a photographic plate is the fact that film does not have a linear response to light.
The image of a star grows over time and the size of the star on the film is the primary
way of measuring the magnitude. This growth is a non-linear effect due to the nature of
8
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the way film records an image. Fortunately, this departure from linearity is wellunderstood, so an accuracy of 0.02 magnitudes is possible when comparing a star of
interest to other stars on the plate (Henden and Kaitchuck 1990).
Film is more sensitive to the blue end of the visible spectrum than is the human
eye, and is sensitive to near infrared wavelengths that the eye can not perceive. This
means that magnitudes recorded with film were labeled as photographic magnitudes,
since the magnitude measured for a given star would not be the same as that measured
with the eye. This was particularly a problem for blue (B) and ultraviolet magnitudes
(U), since both filters allowed some near IR light to leak through. An extra filter can be
used to try to change the response of a photographic plate to something more like the eye.
The resulting magnitude is referred to as a photo-visual magnitude. The quantum
efficiency of photographic plates was actually not any better than that of the human eye.
Both have quantum efficiencies on the order of one percent. This means that only one
photon in one hundred is recorded. Film has the advantage though, since it provides a
permanent record and allows for the accumulation of photons over hours if necessary
which allows objects with much fainter magnitudes to be observed.
The use of photographic plates and the increased accuracy they offered led to a
realization that the previous visual magnitude system based upon a relatively small
number of stars was not adequate to take best advantage of the new technology. New
stars were selected to be the standards that would define the photometric system based
upon photographic magnitudes. The most notable was the North Polar Sequence. Stars
were chosen that were near to the north celestial pole, since these stars would always be
above the horizon for observers in the northern hemisphere. Mount Wilson observatory
expanded the system with secondary standards in 139 selected areas in the sky that were
assigned magnitudes by comparison to the North Polar Sequence. There were stars as
faint as 19th magnitude in these areas, though it turns out a mistake was made in dealing
with the non-linearity of the photographic plates. The faintest stars in the Mount Wilson
fields, known as selected areas, fail to follow Pogson’s ratio due to this mistake (Henden
and Kaitchuck 1990).

9
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While photography offered a great increase in accuracy over magnitudes
determined by eye, and certainly offered an advantage in that it could sample many stars
at once while collecting light over a long period of time, the difficulties resulting from
non-linearity were a glaring flaw. By the late 1800s, selenium based photoconductive
cells were beginning to be used as a potential solution to this problem. These cells
changed their resistance when exposed to light, allowing the brightness of the light to be
determined by carefully measuring the current using a galvanometer. The result was a
linear detector. This instrument suffered serious limitations. First and foremost it was
not very sensitive to light so only the brightest stars could be measured. The spectral
coverage was very narrow. The cells also had to be made locally, and only a small
portion of those made actually worked well. The most notable success achieved using
this instrument was published by Joel Stebbins (Stebbins 1910). He published the most
accurate light curve that had been produced for the eclipsing binary star Algol. His light
curve revealed for the first time the secondary eclipse, which had never been resolved by
visual photometry.
Photoconductive cells were replaced as soon as photoelectric cells became
available, beginning in 1911. These devices made use of the photoelectric effect and
proved to be truly linear. They still produced very little current, and required the use of
expensive galvanometers that were heavy, making them difficult to mount on telescopes.
The first use of amplifiers followed in the coming years, and allowed the use of cheaper
ammeters, and soon, the use of chart recorders. The amplifiers added the problem of
increased instrument noise due to a lack of stability in the amplifier, and due to noise
from the tubes that made up the electronics. The early photoelectric cells still used
selenium and were still not available via commercial vendors (Hall and Genet 1988).
The 1930s saw the invention of the photomultiplier tube. This proved to be the
invention that made photoelectric photometry viable for wide-spread use. The
amplification of the tiny initial current was now a largely noiseless process. Early
commercial tubes were eagerly used, with improving results. During World War II, the
1P21 tube was released for sale by RCA. This tube changed astronomy drastically and
became the standard instrument for photometry for decades to come. The quantum
10
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efficiency was typically 10% for these systems and they were linear. With these tubes
errors in magnitudes are measured in millimagnitudes. The North Polar Sequence, which
was the more accurate replacement for the earlier visual magnitude system, proved to
lack the accuracy needed to take advantage of the 1P21. A new standard system was
needed again. The new system was chosen based around the 1P21 tube’s spectral
response, combined with broad filters that were chosen to select particular bands of the
spectrum to give magnitudes in different band passes, or colors as they came to be
known. The standard system that resulted was known as the Johnson UBV system, and
was defined primarily by Johnson and Morgan (Johnson and Morgan 1951; Johnson and
Morgan 1953). Johnson and Morgan attempted to stick with tradition and tied their new
system to the old visual system. At the same time they saw the advantage of adding a
third color to make determination of stellar properties easier, and saw the opportunity to
tie the system more closely to the spectral classification system.
The Johnson visual, or V, filter was defined such that the V magnitude is nearly
the same as that of the old photovisual magnitude. The blue filter, B, was defined to
center around 4300Å, and again it corresponds well to the photovisual blue magnitudes.
For convenience sake, the B filter was built so that it would eliminate the part of the
spectrum that includes the Balmer discontinuity. Occurring at the Balmer limit, 3647 Å,
the Balmer discontinuity is a sudden drop in intensity due to closely spaced Hydrogen
spectral lines. To avoid the inclusion of this region of the spectrum, the B filter is made
including an ultraviolet blocking filter that truncates the band pass. The third filter, U, is
centered on a wavelength of 3500Å. A red blocking filter is generally included in its
design to eliminate leakage of longer wavelengths. The other curiosity of the U filter is
that it is not truncated on the short wavelength side by the response of the filter or by that
of the 1P21 tube. It was instead left to be truncated by the atmosphere of the Earth’s
natural absorption of UV light. The drawback to this is that the altitude of the
observatory then plays a roll in the limit of the filter’s sensitivity.
The spectral classification of stars is included into the system by defining the zero
point of what are known as color indices. A color index is the difference in magnitude of
a star through two different filters, giving U – B, and B – V. By definition, U – B = B – V
11
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= 0 for stars of spectral type A0 V (main sequence, regular adult stars that show the
hydrogen spectrum most clearly).
The Johnson UBV system was initially defined using just ten stars. This is
insufficient to calibrate instruments worldwide so Johnson and Morgan added a large
number of secondary standards that were calibrated using these original ten stars. By
definition the true standard system could only be observed with the original telescope and
instrument they used. All other systems must transform their observations to match the
results they originally measured. The majority of photometry performed today is still tied
to the Johnson UBV system even though the 1P21 is largely gone from observatories,
supplanted by the next generation of photomultiplier tubes, and of course by CCDs.
The ideal detector for photometry would have to have the linearity of the
photomultiplier tube, the ability to image large areas of the sky like the photographic
plate, would introduce minimal noise to the data, and would need to have a quantum
efficiency as near to 100% as possible over the widest possible wavelength range.
Charge-Coupled Devices, CCDs, offer most, if not all of these advantages. The modern
CCD has a quantum efficiency of over 75% over much of the visible light spectrum (see
figure 2.2 below, which shows the QE of a modern, commercially available backilluminated and thinned CCD). When cooled with liquid nitrogen, the dark current of
today’s devices is often negligible to the point that it can be disregarded. There are still a
few sources of noise that must be addressed when using CCDs, but this can be done
successfully with a little forethought and care. I will discuss CCDs in greater details in
later sections of this chapter.
Before discussing the techniques required to calibrate CCDs, some further
discussion of CCDs in general is needed. CCDs are silicon based solid-state devices.
CCDs were developed for use in lightweight television cameras (Buil 1991). The
demand for these detectors led to quick reduction in cost and an increase in sensitivity.
Astronomers recognized the potential for these devices and CCD’s became a major tool
by the 1980s. The heart of a CCD camera is a two-dimensional array of photo-detectors
or picture elements (pixels). Unlike the photomultiplier, the pixels in a CCD array can
accumulate electrons over the course of exposures of lengths from tenths of a second to
12
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Figure 2.2: QE of the Apogee Alta U42 CCD camera, a typical modern CCD.
Source: (www.ccd.com)
many minutes. When an image is projected onto this array, with a telescope for example,
charge accumulates into each pixel proportional to the intensity of the incident light and
the length of the exposure. The image is then digitized and read by a computer, which
records the amount of charge on each pixel. The image can then be reconstructed by the
computer quickly after the exposure is completed.
Like traditional photographs the CCD yields an image recording all the stars in
the field simultaneously, as opposed to photomultipliers which are unable to differentiate
between one or many stars in the field. In addition the CCD has the advantage that the
resulting image is recorded digitally by a computer. Each pixel has a precise location and
intensity (pixel value) on the CCD. Unlike traditional photography, this means that
analysis of the image can be more automated.
The response of the CCD is another major advantage to its use, as it was for
PMTs. Unlike photographs, the response is very linear and therefore more easily
modeled when considering sources of noise. The dynamic range of the CCD is also
better than that of photographs. The response of the CCD is linear over a much larger
range of exposures from the minimum threshold level to the maximum saturation point.
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Finally, the CCD is sensitive over a broad range of wavelengths. The CCD is sensitive to
beyond 1,000 nm, making it much more sensitive in the red than either photographs or
photomultipliers. Early CCDs were not impressive in the ultraviolet portion of the
spectra but that situation has improved considerably as the technology has advanced (see
Figure 2.2).
A complication to be considered with a CCD system is the large amount of
computer storage memory required for a night’s worth of data. The CCDs used for this
dissertation are 2048 x 2048 pixel arrays, and result in an image size of around 8.5 MB.
During a good night at the telescope, a hundred images or more may be acquired. A
typical six night run then produces 5 GB or more of data. The reduction process
produces images at each intermediate step. Hard drive sizes have been increasing
rapidly, and decreasing in cost nearly as quickly. As a result the difficulties involved in
the reduction process have diminished, but still must be considered when working with
CCDs. Drive speed is important in making the reduction process efficient.
Calibration of the system is also a major concern with the CCD system. There are
a number of sources of noise that must be addressed to use the CCD effectively. When
we go about removing the noise in the images, we always begin first with the noise that
was introduced last (Berry and Burnell 2000). There is a certain amount of read-out
noise from the electronics that must be subtracted from the raw frames during processing.
This is referred to as the bias. It consists of the noise introduced by the amplifier and the
read-out electronics. In early CCDs the dark current was also a major concern. This is
the noise that creeps into the image even when the CCD is not illuminated. Cooling the
camera aids in reducing this noise and modern liquid nitrogen cooled cameras have
negligible dark currents. For the systems used in this dissertation, the dark current is too
low to be extracted from the bias even for exposures of several minutes in length. I will
discuss the noise more completely in the next section.
2.2.3 Noise in CCD images
When using a CCD system, there are images that must be taken during the course
of the night to allow us to remove the noise. The noise referred to as bias was mentioned
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above. Since this is the last noise introduced into the images it needs to be removed first.
Bias is an additive constant, which means that if I made my flat field correction first,
which involves division of images, I could no longer just subtract the bias level from the
image. There are two main ways to correct for the bias noise. The first is to take a large
set of bias images, that is, images that are immediately read out without ever opening the
shutter of the camera. These zero length images contain only the read out noise. A large
set of these can be combined using the median statistic to make a master bias frame that
can be subtracted from all of the science images. In practice, I usually take multiple sets
of bias images throughout the observing run, a few times per night. Instead of using
these as the primary way of correcting for read out noise, I use these to fine tune another
method of dealing with bias. Most research grade CCDs output their images with an area
on one side of the image that is not illuminated, which is referred to as the over-scan
region. This region is typically a few columns wide, and includes all of the rows on the
chip. Since we noted above that the dark current is nearly non-existent on nitrogen
cooled systems, the over-scan contains only read out noise. The bias recorded on this
over-scan can be used to correct for the bias on every image uniquely. I use this method
with fine tuning from master bias frames.
As mentioned above dark current would be introduced to the image during the
exposure due to thermal noise. Since research grade CCD’s are nitrogen cooled the dark
current is negligible. Dark exposures are not necessary with these systems. If they were
not cooled, sets of dark images would need to be taken so that a combined dark image
could be scaled to the length of each image and subtracted to correct for the noise
introduced. Dark images are taken by starting an exposure but not opening the shutter so
that only the thermal noise is being recorded. As a dark image is read out, the bias noise
is added as usual and must be dealt with as detailed above. I did not need dark images at
any of the observatories I used since all of the cameras were cooled.
The telescope and CCD optics introduce the first noise to the data. If a telescope
is pointed at a source that offers uniform illumination of the chip the result will not be
uniform pixel values across the chip. There will be features visible produced by a
number of sources including dust on the optics, optical vignetting due to the telescope,
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and even defects on the chip itself. Anything that results in a difference in recorded
signal on the chip will be visible in this uniformly illuminated image which we call a flat
field image. Figure 2.3 below shows a typical flat field using the V filter for the 0.8m
telescope at McDonald Observatory. On the right side of the image a dust “donut” is
clearly visible. There is a large scale defect on the CCD chip that manifests itself as a
backwards “Z” shape. This defect is often called the “mark of Zorro” in jest, and similar
defects are not uncommon on CCD chips in general. Flat field images must be obtained
for each observing run. Ideally they should be obtained nightly to be sure that nothing
has changed in the optical system throughout the run. Due to the length of time and the
large amount of disk space required to obtain a set of flat fields each night it is generally
acceptable to obtain sets of flat fields at the beginning and end of the run. Multiple
images are necessary through each filter to be used so that random noise in the images
can be removed by making a single master image per color by median combining a large
set of images. To make a flat field image, we need to find a way to uniformly illuminate
the chip. There are two main ways that this can be done. The first is to use the sky at
twilight. As the sun sets the sky gets progressively darker. There is a brief period in the
morning and evening during which the sky is bright enough to wash out any stars that
might be in the field of view, yet is still faint enough to keep from saturating the image
(saturation just means completely filling the wells that make up the CCD array,
analogous to over-exposing a photograph). The assumption is that the sky is uniformly
illuminated on the scale of the field of view of the CCD. That is often not the case for
systems with a wide field of view (fov). The 0.8m has an fov of 46.5 arcminutes, which
is too wide to make the use of twilight flat fields practical. The second way to make a
flat field is the use of a screen on the inside of the telescope dome that is illuminated by a
bank of lights. This is referred to as dome flat fielding. If the lights and screen are
carefully positioned so that they are square to the image plane of the telescope, the result
is a flat field source. In the case of the 0.8m at McDonald Observatory the design is less
than perfect. The screen is square to the front of the telescope as it should be. The lights
however are not mounted on the telescope so that they shine squarely on the screen.
They are instead mounted on the far wall so that the light makes an angle as it strikes the
16
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Figure 2.3: V band Flat field from 0.8m telescope at McDonald Observatory
screen. The result is a field that is not illuminated uniformly. Dome flats are the best
way to flatten the field of CCD images at McDonald, but an extra step is added to the
reduction process since the flat field image has to be manually adjusted mathematically
by fitting a polynomial to the plane. This can be handled in the software package IRAF
(which will be discussed later in detail).
To actually correct the science image, we need to make master flat field images
for each filter used. The flat field images are first bias corrected. At McDonald on the
0.8 m, we next correct the illumination by fitting a polynomial surface. Then, the images
from each filter are combined using the median statistic. The resulting image is then
divided by the mean pixel value of the image to normalize the pixel values to one. The
master flats are then divided into the science images, after the science images have been
bias corrected. Since any region on the flat field that was a little brighter than the mean
ends up with a pixel value a little over one, dividing it into the science image reduces that
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pixel a proportional amount to account for the additional light. Similarly, darker areas
are brightened on the science images.
After bias and flat corrections are applied, the science images are ready to be
used. The above procedure complicates things a bit since one has to be judicious and
careful while applying these steps. Intermediate images are saved during the process so
that it is possible to revert back to an earlier stage if the process is not adequately
correcting the images. There is something of an art to the process and it takes a lot of
time and practice to obtain clean and systematically corrected images.
2.2.4 Observing with CCDs
Aside from the calibration concerns described above, there are some other
practical concerns to be aware of when observing with CCDs. I mentioned above that
there is a maximum well depth for a CCD camera. The dynamic range is not without
limit. If there are bright stars in the field to be observed saturation is a concern. There is
a limit to how long you can observe before the pixels covering the bright star reach their
recording limit. There are a number of ways this can be a problem. The first is perhaps
obvious. If the pixels saturate then any further exposure records no more flux. Since the
software (which will be described later in this chapter) calculates a magnitude based on
the exposure time, this will cause an underestimation of the magnitude of the star. The
second problem is that when the pixels saturate there is a tendency for the charge to lap
over into surrounding pixels causing the star’s image to bloom outward. This can cause
the image of the bright star to begin to cover fainter stars that lie near to the bright star.
The third difficulty of bright stars happens even before the pixels saturate. As pixels near
saturation they can begin to behave in a non-linear fashion. Therefore, as a rule, the
exposure time must be judged carefully to avoid the effects of saturation. If the brightest
stars in the image are not of interest to the science being done, they can sometimes be
allowed to saturate. The only negative effect will be the loss of the fainter stars near the
bright star if the CCD is designed with a single amplifier. If the system uses multiple
amplifiers to speed the read-out of the image from the camera buffer to the control
computer, there is one more problem associated with saturated stars. The saturated stars
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can produce ghost images on other parts of the chip due to cross-talk between the
amplifiers. This can be a difficult problem to eliminate. In practice, I choose my science
fields so that I avoid very bright stars if it is at all possible.
The difficulty associated with the limited dynamic range of CCDs requires care
when observing the science fields. To maximize the stars that are well-sampled on the
images, I use the following procedure. I take one short exposure (perhaps 30 seconds)
per color so that the brightest stars of interest on the image do not saturate. The faint
stars in the field will likely either be invisible or of signal-to-noise (S/N, which will be
discussed further below) so low that the data are useless. The short image will be useful
for measuring the brightness’s of the brightest stars only. I then take an image in each
filter of intermediate length (two to three minutes). This image offers good, nonsaturated, high S/N measurements of the next brightest stars. I then take a few long
exposures (on the order of five to ten minutes each) in each filter. The number and length
depends on the system and the target stars. Usually the maximum length is determined
by the telescope tracking. If the tracking is great, longer exposures can be taken. The
amount of time to spend on each field is a balance of obtaining adequate S/N for the
faintest stars of interest, and not spending so much time on a single field that too few
fields can be observed in a night. In the end, all of the exposures in a filter for a given
field can be combined, or stacked as it is usually called, to obtain a single image that
offers good S/N for the faintest stars.
In the terms of astronomical photometry, S/N is the ratio of the observed count
rate to the uncertainty in the signal. We can gain some understanding into what this
means by going through a simple derivation as outlined in (Landolt 1992; Wall and
Jenkins 2003). We can picture an ideal system where we detect only the signal (no
background). We then would have only noise from statistical variations in the signal.
We can then define the signal as:
Sin = Cstar t
where Sin is the number of photons received in a time t, and Cstar is the rate at which we
receive the photons. If we assume a weak flux of photons, as is the case in astronomy,
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then Poisson statistics are a good approximation to the statistical variations in the beam.
The Poisson distribution is derived from the Binomial distribution for the limiting case of
a large number of trials, and rare events (Wall and Jenkins 2003). In this case, we are
exposing for a long period of time, but the probability of recording a photon during any
given time period is small and the arrival of photons is an independent event. We can
then say that if photons arrive at the rate Cstar, over a time interval t, then the mean total
should be given by Cstar t. In practice, since I am exposing over some period of time, I
really know the total for a given event, which I have to assume is a good approximation
for the mean I would obtain from many integrations. If this is the case, we know that the
fluctuation in this signal is the square root of the mean. We then have a signal that is
proportional to the exposure time, and noise that is proportional to the square root of the
exposure time. Then the noise can be expressed as:
Nin = Sin1/2 = (Cstar t)1/2
The S/N is then the ratio of these two terms:
Cstar t
⎛S⎞
= Cstar t = Sin
⎜ ⎟ =
Cstar t
⎝ N ⎠in

(2.4)

That means that the S/N can be expressed, as a very good approximation, as just the
square root of the total amount of flux measured. As a part of the process of measuring
the flux for a star on a CCD image the software calculates this statistic in an automated
fashion.
2.2.5 Software used in photometry
The processing of CCD images is inherently a matter done with computers. The
data that resulted in the days of photo-electric photometry could be worked with by hand
and eye. An array of numbers is what is recorded for CCD images and there is no
practical way to work with the images without the aid of a computer.
The standard software package used when dealing with CCD images by
professional astronomers is known as IRAF (Tody 1986; Tody 1993). IRAF is short for
“the Image Reduction and Analysis Facility”. The package was originally assembled by
the IRAF programming group at the National Optical Astronomy Observatories (NOAO)
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in Tucson, AZ. Many packages were written at NOAO, and some were taken from
existing packages such as Peter Stetson’s DAOPhot. DAOPhot is a photometry package
written at the Dominion Astrophysical Observatory in Canada. IRAF was written to be
used on UNIX operating systems, though ports of IRAF now exist for use on most Linux
systems, Mac/Intel systems, and Windows systems using the UNIX emulating system
Cygwin. For this dissertation, IRAF was run both on Dr. Ron Wilhelm’s Linux machine
via remote login, and on my own Windows machines under Cygwin. IRAF is available
for free download, since it was developed for use by the professional astronomy
community. They ask that the following statement be attached to documents based on
the use of IRAF: "IRAF is distributed by the National Optical Astronomy
Observatories, which are operated by the Association of Universities for Research in
Astronomy, Inc., under cooperative agreement with the National Science Foundation."
The IRAF package ccdproc is the standard tool in the reduction of CCD images.
In the case of images read out using multiple amplifiers, you must instead use a special
version of ccdproc such as quadproc. These packages can be used to correct the images
for all of the sources of system induced noise present in the image. For this dissertation
all image processing was done using ccdproc or quadproc. DAOFind was also used for
the majority of the images processed for this dissertation. DAOFind is a part of
DAOPhot. It searches the image for stars, subject to parameters input by the user such as
the background level of the sky, the standard deviation of the background, and the typical
star size measured as a full-width at half-maximum (FWHM). Since the wide-field CCD
images that make up much of this dissertation may contain on the order of 104 stars,
selecting stars manually was not an option. DAOFind can and does misidentify stars, at
times targeting cosmic ray events or galaxies for example. These can be eliminated by
matching the objects on images taken in different wavelength bands. Further removal of
misidentified stars can be achieved by making cuts to the list based upon S/N
measurements. Finally, a visual check by eye is a good way to catch any left over false
detections. The identified stars can then be measured as described below.
The two main techniques used to perform photometry on CCD images are
aperture photometry and the fitting of point-spread functions (PSF fitting) to the profile
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of the stars on the image. Using aperture photometry is the CCD equivalent of how
photometry was done using photomultiplier tubes. With PMTs, an aperture was carefully
chosen to surround the star, flux was measured, and then the telescope was shifted so that
no star falls in the aperture. A measure of the sky brightness was then recorded. This all
was done at the telescope. For CCDs, a central circle is defined to surround the star that
is to be measured on the processed image. The counts from all of the pixels inside this
circle are added to find the total counts for the star. Care must be taken to select the size
of the central circle such that it includes as much of the light of the star as possible,
without including too much extra area beyond the star which increases noise. Further
care should be taken to be sure that signal from other nearby stars is not encroaching into
this central circle. An annulus is then taken that begins a few pixels outside of this
central circle. The inner and outer edges of this ring are chosen such that the area of this
outer annulus is approximately the same as that of the central circle. The flux found in
this ring is subtracted from that of the central circle, and gives a measure of the flux that
is introduced due to the brightness of the sky surrounding the star. Since a single set of
apertures will not be the correct size for all of the stars identified on the image, the list of
stars has to be sorted by magnitude and broken into smaller groups to be measured. If a
single aperture size is used, corresponding to the size of the brightest stars for example,
then the faint stars will have apertures that are too large which leads to increased noise
and potentially sampling two stars with a single aperture. Knowing the length of the
exposure, intensity, I, then has units of counts/s. In general, an instrumental magnitude is
found using:
m = −2.5log10 I

(2.5)

The software does this in an automated fashion. This instrumental magnitude will need
to be adjusted to the standard system, a process described later in this document.
Aperture photometry is the more accurate technique as it does not rely on any
assumptions of a theoretical behavior for the light from a star. The limitation of aperture
photometry is that it cannot be applied in regions where the stars are too close to each
other to find apertures that do not encompass more than a single star. For this
dissertation, aperture photometry is the technique of choice.
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PSF fitting is the only approach that can be applied in crowded fields. PSF fitting
works by selecting a few representative, well isolated, stars that can be sampled to build a
point spread function that is assumed to represent accurately the behavior of the light of
the stars across the image. This PSF is then used to extract the total light flux for all of
the stars on the image, even those that are close enough to other stars to mix their light
profiles with other stars. The errors associated with this method are larger, but this is the
only way to extract magnitudes in crowded fields. To work in the inner regions of a
globular star cluster for example, PSF fitting is the only method available. For this
dissertation PSF fitting will be avoided.
IRAF offers utilities to perform both PSF fitting and aperture photometry. Many
astronomers use IRAF in this capacity. I am more experienced with a commercial
package known as MIRA. It is a package written for Windows, and offers a much more
user friendly and interactive graphical interface. All photometry in this dissertation was
performed using MIRA Pro 7. No option for PSF fitting is provided in MIRA. The
aperture fitting utility is quite adaptable however and is well-suited to the photometry
goals of this dissertation.
2.2.6 Adjusting magnitudes to the Johnson standard system
The above discussion of using software for photometry ended with us obtaining
an instrumental magnitude for a star. The next step in the process is calibrating that
magnitude to the standard Johnson system. This process requires the observation of
standard stars throughout the night, every night of the observing run. In a previous
section I discussed the history of the standard system. There are several new systems that
have come about over the years, such as the Gunn system used on the Sloan Digital Sky
Survey. For this dissertation all photometry I performed is based on the original Johnson
standard star system.
There are some differences in this system for practical use today. The cameras
are much more sensitive so that the stars that originally defined the system are too bright
to be observed even on telescopes of modest size. The widespread use of CCDs has
made new secondary standards necessary. The set of standards most used are those
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observed by Arlo Landolt of Louisiana State University. The main catalog of these stars
was published in the Astronomical Journal in July 1992. The paper was titled “UBVRI
Photometric Standard Stars in the Magnitude Range 11.5 < V < 16.0 Around the Celestial
Equator” (Landolt 1992). This catalog contains 526 stars, 298 of which are measured
with sufficient accuracy to be used as standards. These stars are distributed such that a
CCD with an average field-of-view will have multiple stars present on a single image.
The stars in this paper are the only photometric standards used in this dissertation. It is
important to use stars from only one source for any given calibration. The catalogs are
self-consistent but errors can be introduced when different catalogs are mixed.
To make an accurate transformation of instrumental magnitudes to the standard
system one must observe standard stars throughout the night at varying locations in the
sky. The goal is to adjust your observations to match an established system while
removing the effects introduced by the Earth’s atmosphere. Ultimately the apparent
magnitude of a star is defined to be what it would appear to be at the top of the
atmosphere, since the atmosphere’s effect on observations vary location to location, night
to night, and indeed even hour to hour. Therefore to calibrate the magnitudes, we need to
understand the way that the light is altered by its passage through the atmosphere. The
main variables we are concerned with, which must be well-sampled each night, are the
color of the standard star, the time of the observation, and the distance from the zenith of
the star observed. I will address the effect of each of these and how we can measure the
effect.
The stars in the Landolt catalog have a range of colors. These colors are recorded
as their color indices, that is, their difference in magnitude in different filter bands such
as B-V or U-B. If we will be observing in U, B, and V on a given night, we would need
to observe standards through each of these three bands throughout the night at as many
different heights above the horizon as possible. Blue light is scattered more easily than
red light as it passes through the atmosphere, and this effect can vary depending on the
amount of dust and moisture in the air. Having stars that range from red to blue allows
the color dependence of the atmospheric extinction of light to be probed.
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Figure 2.4: Combined response of the 0.8m CCD and UBV filters
Observations must be made throughout the night to measure the way that the sky
conditions change with time. There are nights for which it is readily apparent that
conditions are changing as cloud cover increases or decreases. Cirrus clouds are a real
nuisance when doing photometry and are a good reason to close the dome until the sky is
completely clear. This can be frustrating since the other domes at the observatory may
well be open if the observers are doing spectroscopy, since cirrus clouds do not
drastically affect a spectrum. The spectroscopists will just have to expose longer while
the photometrists go get a cup of coffee or a nap. Just as often there is no visible way to
know that conditions are changing. The winds can pick up dust that moves into or out of
the area as the night passes. Moisture levels in the atmosphere can also change as the
night goes on. The only way to compensate for all of these effects is to insure that
standard stars are observed around once an hour throughout the night.
The third variable to consider is the amount of atmosphere the light must pass
through. We can start with a picture of the atmosphere as a spherical shell surrounding
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the Earth (see Figure 2.5). This picture can then be simplified noting that the rate of
curvature is very low. Just as we view the ground as being flat even though it is in fact
curved, we can picture the atmosphere as a plane-parallel slab. Near zenith, the point
directly overhead, the light passes through the least air. The geometry is demonstrated in
the figure below. Using this geometry, we see that:

cos z =

y
s

where y is the thickness of the atmosphere at the zenith, s is the distance the light traveled
through the atmosphere by the star’s light, and z is the zenith angle (the angle measured
from zenith down to the star). The amount of atmosphere that the light travels through
increases the farther the star is from the zenith. Therefore, if I let

y
be replaced by 1/X,
s

this equation becomes: X = sec z . The X in this equation is commonly defined as the
airmass. This is a representation of the relative amount of atmosphere that the light must
pass through. This equation is really an approximation, since clearly the atmosphere and
the surface of the Earth do not form a plane-parallel slab. This is a good approximation
for zenith angles of less than 60°.
If the zenith angle is greater than 60° then a more rigorous equation for airmass is
needed to account for departure from a square slab of atmosphere. Early in the twentieth
century extensive observations were made by Bemporad. These data were used to make
a polynomial approximation to represent the true shape of the atmosphere, resulting in the
following equation (Henden and Kaitchuck 1990):
X = sec z − 0.0018167(sec z − 1) − 0.002875(sec z − 1)2 − 0.0008083(sec z − 1)3 (2.6)

This empirical expression fit Bemporad’s data to 0.1 percent at an airmass of 6.8, which
is only 10° from the horizon. The error is almost certainly larger in general but this
expression gives more accuracy than is usually necessary. In general, unless there is no
choice, photometrists observe stars as near to the zenith as is possible in the context of
the observing program. All efforts should and are made to observe stars while at an
airmass of less than 1.5.
During the course of a night standard stars of assorted colors are observed through
each filter about once an hour at a range of airmasses covering the same range of zenith
angles as that of the science stars. The resulting set of data is used to solve for a set of
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Figure 2.5: A representation of the atmosphere of the Earth
coefficients that describe the behavior of the atmosphere for the given night. I always
attempt to use a standard solution polynomial form as was described by Peter Stetson
(Stetson 1991) which I call equation 2.7:

v = V + a0 + a1 ( B − V ) + a2 ( B − V ) 2 + a3 ( B − V )3 + a4 ( X − 1.25) + a5 ( X − 1.25)( B − V ) + a6t
where v is the instrumental magnitude, V is the published magnitude for the star, (B-V) is
the published color index of the star, X is the airmass, and t is the universal time (UT) of
the observation. Similar equations are used for B and U band observations. The equation
for B uses the same color index as V, (B-V), and that for U uses (U-B) instead. This is a
more sophisticated and thorough solution than most photometry papers have used in
recent years. Large data sets are leading to less thorough work. Solving this equation
requires a large number of observations since there are seven coefficients for which we
need to solve. An inexperienced observer may be tempted to use the difference in
instrumental magnitudes for the color index. This is a common mistake but I know from
experience that the results will not be satisfactory. The instrumental magnitudes suffer
from too much atmospheric noise to accurately yield a color index. Instead, I use a
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shorter version of Stetson’s equation, removing the color dependence. The short form of
the solution is then:
v = a0 + a1 ( X − 1.25) + a2t
The coefficients that result from this equation are used to solve for approximate
magnitudes which can be used to calculate the color indices, B-V and U-B.
I use matrix operations in the program MATLAB to solve these equations. The
matrix I will call M has columns as follows for the full solution:
1

B-V

(B-V)2

(B-V)3

(X-1.25)

(X-1.25)(B-V)

UT

with a row for each standard star observation. Since I observe a standard field once per
hour on average, I typically observe around 12 fields of standards per night. Since there
are often a large number of standard stars in a given field it is not unusual to have well
over 100 individual measurements of standard stars in the matrix. The matrix would then
have seven columns and more than 100 rows. The matrix M has these columns for the
short solution:
1

(X-1.25)

UT

A second matrix, which I call m, is defined by taking the instrumental magnitude minus
the published standard magnitude. In the end I am solving a system of more than 100
equations for a set of coefficients. The more observations I have the more well defined
the solution will be since none of the equations is exactly correct due to random errors
present in every observation. There is a convenient mathematical way of solving this
system that is well-suited to the use of MATLAB. The following equation solves the
simultaneous equations:
A = ( M T ⋅ M ) −1 ⋅ M T ⋅ m

(2.8)

where I have taken the transpose of M and multiplied it by M, and then taken the inverse
of the result. This result is multiplied by the transpose of the matrix M, and then
multiplied by the matrix m. The result is a column matrix that contains the coefficients of
the above equations. This type of mathematical process is now quickly computed on a
modern computer using MATLAB. The first approximation of the magnitude of the
program star will then be given by:
V = v − a0 − a1 X − a2UT
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The same process is performed for the blue filter, replacing all v’s and V’s with b’s and
B’s. This is then done again for the U band in the same fashion. I calculate a first
approximation of the magnitudes and color indices for the program stars using the results
of this process. To estimate the error in the procedure, I do the same process with the
standard stars and compare to the published values. The errors measured are on the order
of no more than a tenth of a magnitude or so.
I solve for the coefficients in the long form solution in the same way, using the
same mathematics. The magnitude of the program star will then be:
V = v − a0 − a1 ( B − V ) − a2 ( B − V ) 2 − a3 ( B − V )3 − a4 ( X − 1.25) − a5 ( X − 1.25)( B − V ) − a6t
where v is the instrumental magnitude and V is the magnitude after transformation to the
standard system.
To test the accuracy of the solution on a given night, the solution coefficients
were fit back to the original standard stars. The standard deviation in the differences
between the published magnitudes and the calculated magnitudes is used as a measure of
the error in the solution. The solutions for particular nights are listed in the sections on
particular objects later in this dissertation. The typical errors for this full solution are on
the order of 0.01 mags or better.
It is not uncommon to run through this process several times, removing stars that
are clearly behaving strangely, or reducing the number of coefficients solved for by
dropping the cube, and/or the square of the color term. This is a time consuming and
frustrating process but it is absolutely necessary to providing accurate photometry.
2.2.7 Summary
In this section, I have described how I go about making measurements of the
brightness’s of stars on CCD images. I described how to take the raw images and remove
the principle external sources of noise: instrumental and atmospheric. At the end of the
procedures described in this section, I have calculated the apparent magnitude of the stars
of interest and transformed the results to the standard system.
This is a painstaking process. There are very few shortcuts that can be taken. In
my experience automating the process never produces the same quality of results. I
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check each step manually. A six night observing run can generate several GB of data. It
takes many times longer than it took to get the data to take the data from a raw state to the
final accurate magnitudes for the stars we are interested in studying. If great care is not
taken at the telescope to insure adequate calibration data is taken the final results will be
worse than useless. You will have wasted your own time as well as precious time on
instruments in high demand. Failure to make the most of the time awarded on major
telescopes is a good way to insure you will not get more time.
In section four I will discuss what we can do with the measured magnitudes.
There is a wealth of information contained in just the brightness’s of the stars through
various filter bands. I will discuss briefly the properties of stars at different stages of
their evolution.
2.3 Spectroscopy
2.3.1 Introduction
Photometry alone ultimately only gives us the apparent brightness of the stars we
study. While the use of multiple filters of different band passes allows us to glean a
wealth of information from photometry, we have not taken full advantage of the
information encoded in the light if we use photometry alone. The use of spectroscopic
methods offers us insights hidden to photometry. The chemical composition is more
directly imprinted in the spectra, as is information about the radial velocity of the object
through Doppler shifts in the spectral lines. There are some studies that can be done with
photometry alone but the survey work that is the meat of this dissertation requires as
much information as can be obtained. The kinematics of the stars and their chemical
enrichment history is very important to the grand picture. The following sections detail
some of the uses of spectroscopy in astronomy.
2.3.2 What spectroscopy tells us
The following treatment follows in part from Carroll and Ostlie 1996.
Spectroscopy was first used in astronomy in a systematic way by Joseph Fraunhofer. By
1817, he had obtained spectra for a number of stars, and had realized that not all stars
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have the same spectrum. A number of attempts were made over the years to organize the
system in a way that explained the physics of stars. The system used today was in large
part defined by 1901. In the last part of the nineteenth century, Edward Pickering at
Harvard began working on a taxonomy of stellar spectra with the aid of his assistant
Williamina Fleming. The basis for their classification was the relative strength of the
hydrogen lines in a stellar spectrum. They used capital letters, beginning with A, to sort
the stars. This system was reorganized in 1901 by Annie Jump Cannon, another of
Pickering’s assistants. She placed the O and B classification before A, lumped some
letters together, and added decimal subclasses to the system. Now a star could be an
O6.5 as illustrated in the figure below. The system that resulted is the OBAFGKM
sequence that is still used today. These changes made the system a representation of the
temperature of the star, with O stars being the hottest and M stars being the coolest
(Carroll and Ostlie 1996). Astronomers often use the terms “early” and “late” type stars
to refer to stars on this system. Stars close to the O end of the classification are early type
stars, and M stars are late. Using the sub-classifications, a B2 star is an early B star while
a B8 would be a late B star.
The spectral classification system contains a wealth of information about stars.
Explaining why the different classifications exhibit different spectral features requires a
complete understanding of the physics associated with radiant transport through the
different layers of a star, the absorption coefficients resulting from the thermodynamic
state of these layers, and a large number of other factors such as the effects of electric and
magnetic fields on the observed lines. A thorough treatment of the subject is provided by
David Gray in his book “The Observation and Analysis of Stellar Photospheres” (Gray
2005). I will not go into great details on the subject here since I am primarily a
photometrist and this work reflects that fact. I will give an elementary introduction to the
subject to help the reader understand topics covered later in this document.
Figures 2.6 and 2.7 show some details of the classification system. As mentioned
previously, A0 stars are used as the zero point of the Johnson photometry system. The
(B-V) and (U-B) colors of A0 stars are defined as being 0. The spectral classification
system also uses A0 stars as a calibration point. By definition an A0 star has the
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Figure 2.6: The spectral classification system
Source: 18 April 2004 Astronomy Picture of the Day (APOD)
http://antwrp.gsfc.nasa.gov/apod/astropix.html
strongest Balmer hydrogen spectrum of all the stars. This can be clearly seen in Figure
2.6. The A1 star’s Hγ line is noticeably stronger than the same line in the other spectra
shown. By G0 this line is just barely visible, and it is completely invisible in the later
spectra. This same trend is evident in Figure 2.7, which gives the relative strengths of
lines resulting from various elements that introduce lines dominant in spectra. From a
physics standpoint what does this tell us? Clearly A0 stars are at the ideal temperature to
produce the Balmer lines. They must have a large portion of the hydrogen atoms in the
outer layer of the star excited into the first excited state such that the absorption of
photons corresponding to the Balmer lines is very efficient. The B stars show a decrease
in the strength of these Balmer lines, and early O stars show as little of the lines as the G
stars. This too is a temperature effect. If we consider stars hotter than A0 stars, we start
to see a decrease in the amount of hydrogen in this first excited state. In B stars this is
because more of the H atoms are now in higher excitation states, and by the early O stars
the H atoms are completely ionized. Stars cooler than A0 stars have fewer H atoms
excited to the first excitation state do to lower temperature. As we move to cooler stars,
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Figure 2.7: Relative line strength versus spectral type
Source: (Carroll and Ostlie 1996)
we reach a point where the temperature is just too low to excite a large amount of H to
the necessary state. By late G stars, and particularly K and M stars, there is not an
appreciable amount of excitation present and the Balmer lines disappear.
Explaining the presence of lines from other elements follows a similar path. The
hottest stars are capable of exciting helium and silicon, and partially ionized He and Si as
well, so these lines appear. Stars a little cooler than A0 stars begin to exhibit Ca II lines.
The h and k calcium lines are particularly evident in the spectrum of the Sun. In stars
cooler than the Sun we begin to see lines that arise from molecules such as titanium
oxide. The simple molecules could not exist in hotter stars. As fast as they formed, they
would be disassociated through collision in the hotter stars. Ultimately all of the lines
can be explained in some way as due to temperature. Shifts in the locations of the lines,
or splitting of the lines, can occur due to electric and magnetic fields. I will not go into
these more advanced effects as they are beyond the scope of this dissertation.
It is important to note that these changes in the presence and relative strength of
lines as discussed above are not due to significant changes in the amount of these
elements in the stars. In the above treatment, I am describing stars with the same
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composition as the Sun, while varying only temperature. All stars are composed nearly
entirely of hydrogen. There are differences in relative amounts of metals in the stars
(astronomers commonly refer to any atom other than H or He as a metal) due to
variations in the composition of the material from which they form. This is referred to as
the chemical abundance of the star. This will be discussed more in the following section.
2.3.3 Abundances of stars
Astronomers quantify the abundances of stars through their spectra. A secondary
effect on the above temperature based classification comes from the relative amounts of
various elements within the star. The effect manifests as a relative deepening of spectral
lines corresponding to the atoms that are their in greater numbers. The oldest stars
formed from the stuff that was made when the Universe was formed, mostly H, a few
percent of He, and trace amounts of Li. There are essentially no metals in these stars so
they are referred to as metal poor stars. Stars formed from material that has been
enriched by several generations of stars, particularly through supernovae explosions that
spread metals through the interstellar medium, can be metal rich. Again it is important to
recall that even metal rich stars are mostly made of H. There is just a heightened amount
of other atoms relative to the metal poor stars or the Sun.
The abundance system is based on the spectrum of the Sun which is obviously the
most well-studied spectrum of all stars. We have plenty of flux to work with. The terms
metal rich or poor are relative to the Solar abundance. The most commonly used
metallicity is referred to as [Fe/H]. This is pronounced “Fe on H”, and is a measure of
the relative amounts of iron atoms to hydrogen atoms, referenced from the abundance of
our Sun. We define metallicity as (Carroll and Ostlie 1996):
⎛ N Fe ⎞
⎛ N Fe ⎞
⎡ Fe ⎤
⎢⎣ H ⎥⎦ ≡ log10 ⎜ N ⎟ − log10 ⎜ N ⎟
Star
⎝ H ⎠ Star
⎝ H ⎠ Sun

(2.9)

where NFe/NH is the number of Iron atoms per Hydrogen atom in a given star. From the
equation it is clear that if a star has the same relative abundance of atoms then its
metallicity will be 0. A star with a negative metallicity is metal poor and one with a
positive value is metal rich. A metal rich star might have an [Fe/H] = 1, which means the
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star has ten times as much Fe as the Sun. Very metal poor stars might have [Fe/H] = -4 or
more. [Fe/H] = -4 corresponds to the Sun having 10,000 times more Fe atoms relative to
this star. Other metallicity measures can be formed using different elements of interest,
the alpha elements for example (which are O, Ne, Mg, Si, S, Ca, and Ti)(Salaris and
Cassisi 2005). Metal poor stars can show relatively large amounts of these α-elements.
This is now understood to be due to enrichment by different types of supernovae. Type
Ia supernovae result when a white dwarf star has enough mass accreted onto it from a
companion star that its mass surpasses the Chandrasekhar limit with catastrophic results.
Type Ia supernovae result in material that is enhanced primarily in iron peak elements (V,
Cr, Mn, Fe, Co, and Ni), since a white dwarf is composed of essentially pure carbon.
Because of their crystalline C structure, they have been compared to diamonds. The
material added to the white dwarf is mostly H. Very massive stars can suffer a core
collapse that results in a type II supernova. Type II supernovae blast material into the
interstellar material that is enhanced in α-elements but does not have much iron peak
element enhancement. Measuring the abundances of stars then gives us direct insight
into the material from which the star formed. This allows us to identify different
populations of stars and trace their distribution in the galaxy. For my work [Fe/H] is the
only index used.
2.3.4 Surface gravity
There is another useful bit of information that can be extracted from spectra. I
will discuss different kinds of stars in more detail later, but for now we need a little
introduction. At different stages of stellar evolution stars can be known as dwarf stars or
giant stars. Stars that are fusing hydrogen in their core, regular adult stars, are referred to
as main sequence dwarfs. Stars that have moved on to fusing heavier elements in their
cores become giants and become larger than they were as dwarfs. There are a number of
effects that result from this, as will be discussed later, but one obvious change will be in
the surface gravity (or surface pressure) of the star. Higher pressure results in broader
spectral lines due to the increased numbers of atomic collisions, and also the effect of the
electric field resulting from ions that are now closer together, which manifests as the
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linear and quadratic Stark effects. Good spectra can be used to separate stars that are
giants from stars that are dwarfs that might otherwise appear to be the same.
2.4 Putting it all together
2.4.1 Introduction
In this section, I will draw together the information provided by photometry and
spectroscopy to develop tools that will be used throughout this document. To analyze the
populations of stars we are studying, we must make use of all of the information
available. The photometry can yield information on its own, and when coupled with
spectroscopy we can begin to develop a complete picture of the type of the star, its
temperature, its chemical composition, its distance, its radial velocity, and many other
facts.
2.4.2 Distances to stars
To calibrate the various methods I will discuss, we typically need to know the
distance to the stars we are considering. Measuring distance is not a trivial exercise.
Measuring distance in astronomy is always a tricky proposition. The only direct way to
measure the distance to an astronomical object is through the use of something called
parallax. All other distance measures in astronomy are ultimately calibrated by the use of
parallax measurements. Careful observations are made of stars to measure the apparent
shift in location due to the difference in perspective afforded by observations made at
different points in the Earth’s orbit. Figure 2.8 below illustrates the concept. A nearby
star appears to move relative to the distant background stars, or more commonly today,
distant background quasars and galaxies. The angle of its apparent motion, the parallax
angle p, can be measured using different points on the Earth’s orbits to achieve a large
baseline. The tangent of the parallax angle is equal to the distance from the Earth to the
Sun, a distance referred to as 1 astronomical unit (AU), divided by the distance to the
star, d, or:
tan

p 1AU
=
2
d
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Figure 2.8: Parallax illustration
Using the small angle approximation, assuming that p is measured in radians, we have:

tan

p p 1AU
≅ =
d
2 2

(2.11)

There are two inconveniences in this equation. First, the parallax angle is at most around
1 second of arc, 1”, so the use of radians is not very convenient. Also, the astronomical
unit is useful only on the scale of the solar system, not over distances as large as that to
other stars. For convenience this equation should be modified to use the parallax angle
measured in arcseconds, and the distance measured in a unit more suited to large
distances. There are 206,265” in one radian. Astronomers created a new distance unit
for this problem, called the parsec. The parsec (pc) is defined as the distance at which 1
AU would subtend an angle of 1”. In practice 1 pc is approximately 3.26 light-years.
Using these units the equation becomes:
d ( pc) =

1
p(")

(2.12)

The nearest star outside the solar system is Proxina Centauri, at a distance of a little over
4 light-years. That means that for the nearest star the parallax angle is around ¾ of an
arcsecond. Clearly the small angle approximation was justified. Historically this
severely limited the number of stars that would yield measurable parallax angles. The
relatively small dataset that had been accrued through Earth-bound measurements was
limited in its size due to the complicating action of the atmosphere which makes
measuring small angles difficult due to loss of resolution. To expand this dataset the
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European Space Agency flew the satellite HIPPARCOS (High Precision Parallax
Collection Satellite) in 1989. There were two separate experiments performed with the
satellite. The first resulted in the HIPPARCOS catalog which contains around 118,218
stars with parallax’s measured with a 1 milliarcsecond precision. The second experiment
resulted in the Tycho1 and Tycho 2 catalogs, which together contain 2,539,913 stars,
with a precision of 20-30 milliarcsec. This amounts to coverage of 99% of stars 11th
magnitude and brighter. Prior to HIPPARCOS, astronomers had distances with 1%
accuracy for a few dozen nearby stars, and distances with 5% accuracy for on the order of
100 stars. HIPPARCOS measured distances to 400 stars with 1% accuracy, and more
than 7,000 stars with 5% accuracy. After HIPPARCOS accurate distance measurements
are available out to around 500 light-years (Turon 1997).
While reaching a distance of 500 light-years with high precision is an incredible
achievement, this is still only a tiny portion of even our own Milky Way galaxy, much
less of the Universe as a whole. The Sun orbits the center of the Milky Way at distance
of around 8,500 pc. HIPPARCOS therefore reaches less than 2 % of the distance to the
center of our Galaxy. Clearly other ways of measuring distance are absolutely necessary.
Within the Milky Way the primary way of measuring distance is through the use
of a technique known as spectroscopic parallax. This technique takes advantage of the
definition of absolute magnitude. Equation 2.3 was:
m − M = 5log10 d − 5
Hence, if we can measure the absolute magnitude of a star in any way we know its
distance. The use of certain special kinds of variable stars takes advantage of this
relation. These variables are known as RR Lyrae and Cepheid variables, and they have
known relations between their luminosity and the period of their oscillations. The
relation was calibrated using the method of parallax described above. This means that if
we can determine their period we will also know their absolute magnitude. Appendix B
of this dissertation will discuss RR Lyrae in greater detail. Another method of measuring
distance that uses spectroscopic parallax is the observation of star clusters. This method
will be outlined in the next section.
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2.4.3 Color-Magnitude Diagrams
Color-Magnitude diagrams (CMDs) are just what the name suggests: a plot of the
magnitude of stars versus their color. The choice of axes can vary but the result is the
same. The y axis can be magnitude (either apparent or absolute), luminosity, or some
other variable that expresses the brightness of the object. The x axis can be anything that
measures the color of the object: spectral type, color index, or temperature, among others.
The first CMDs ever drawn are referred to as H-R diagrams. The HertzsprungRussell diagram (H-R diagram) is named for the two scientists who first drew one. In the
early 1900s, a few dozen stars had distances that had been measured using their parallax.
These stars also had spectral types that were well established and accurate photometry
available. Around 1911 a Danish astronomer, Ejnar Hertzsprung, noted that a regular
pattern appeared when the absolute magnitude of stars is plotted against their color
indices, usually B - V, on a graph. In 1913 the American astronomer Henry Norris
Russell discovered independently this same regularity, but instead of using the color
index as the x-coordinate he used the spectral type (see figure 2.9) (Gingerich 1982). The
power of the H-R diagram comes from the fact that since distance is removed through the
use of absolute magnitude, the differences in temperature and in brightness can only be
due to intrinsic properties of the stars. Figure 2.10 is a modern textbook version of the HR diagram. The main group of stars running through the diagram, referred to as the main
sequence, is composed of stars that are now known to be in the adult phase of their life.
They draw energy through the fusion of hydrogen in their cores. The stars in the upper
right portion of the diagram are giant stars. They are more intrinsically bright than the
main sequence star of the same temperature. Since luminosity depends on the
temperature of the star (Stefen-Boltzmann: E = σ T 4 ) and the surface area of the star, the
only way two stars with the same temperature can have different brightness’s is by being
of different size. Giant stars are now known to have exhausted the supply of hydrogen in
their cores and moved on to fusing heavier elements in their cores. It is interesting to
note that when the H-R diagram was discovered, the concept of nuclear fusion was not
known. It was commonly believed at the time that stars were fueled through heating
caused by increasing pressure as the star goes through gravitational collapse. Using this
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Figure 2.9: Henry Norris Russell’s diagram
Source: (Russell 1914)
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idea, young stars are at upper right in the diagram. Figure 2.11 illustrates this concept.
They move nearly horizontally to the left until they reach the main sequence, the idea
being that the loss in brightness due to decreasing size was offset by increasing
temperature. When a star reached the main sequence, it was believed that they had
reached a point beyond which no further collapse was possible, and hence they began to
slowly cool. The star would then move down and to the right, becoming cooler, and
therefore, redder and dimmer as time passed.

Figure 2.10: A Modern H-R diagram
Credit: NASA education website:
http://observe.arc.nasa.gov/nasa/space/stellardeath/stellardeath_1ai.html
CMDs as they will be used for this document are simply H-R diagrams using
apparent magnitude instead of absolute magnitude. CMDs are a very useful tool used to
study stellar populations. Applying CMDs to the study of star clusters is one example.
The stars in a cluster are assumed to have formed at the same time from the same cloud
of gas and dust. If this is true it can be assumed that the stars are all the same age and at
the same distance. In the case of cluster stars the absolute magnitudes of the stars are not
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known, but the apparent magnitudes can be measured. Since the stars in the clusters are
all assumed to be at the same distance, the magnitude of the stars will only be a function
of color or spectral type, not distance. That means that the stellar populations of the
cluster are clearly visible on the diagram and hence fitting the main sequence can quickly
yield the age of and distance to the cluster. For now we are still ignoring complicating
Giant Region

Turn-Off Point
Main
Sequence

Effective Temperture

Figure 2.11: Henry Russell’s Stellar Evolution Path
effects introduced by interstellar reddening. Since all of the stars in the cluster are
assumed to have formed at the same time, the age of the cluster can be found by
examining the point at which stars have begun to leave the Zero Age Main Sequence
(ZAMS). The ZAMS is an H-R diagram for a star cluster at age zero. The hottest stars
burn their fuel faster than the cooler stars. This means that the hottest O type stars which
are located at the top right of the H-R diagram finish regular hydrogen fusion fastest and
enter the giant phase of their life. When a star enters this stage of its life it leaves the
ZAMS. It is perhaps counter to intuition that the most massive stars burn their fuel the
fastest. O stars are the hottest stars, most massive, and live the shortest amount of time.
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There are a number of factors that play into this fact. The hottest stars are more massive,
and hence have more fuel, but they burn their fuel so much more quickly that they still
live less time than other stars. O stars measure their main sequence life in millions of
years while M stars can live many billion years. An M star forming near the beginning of
the Universe would still be far from the end of its main sequence life.
The basis for using H-R diagrams in this work was established by Robert J.
Trumpler at the Lick Observatory in the 1920s. In his paper published in 1925, he
describes using spectroscopic observations to establish the spectral type of stars in the
open cluster M34 (Trumpler 1925). With the spectral types established, the difference in
apparent and absolute magnitudes was used to calculate a distance to the stars. This was
then compared to distances to stars in the cluster that had been established using parallax
techniques. Since the two matched favorably, the assumption was made that cluster stars
of a particular spectral type will indeed have the absolute magnitude predicted by the H-R
diagram, and therefore comparing apparent and absolute magnitudes of the stars in
clusters is a legitimate means of determining the distance to the cluster.
Trumpler established another characteristic of clusters in his paper, which led
eventually to a description of the way that clusters evolve (Sandage 1988). Trumpler
established four bins or cluster types based on the appearance of the cluster’s CMD
(Trumpler 1925). He recognized that these were not distinct cluster types and that there
was a continuous range of shapes between the bins, and further recognized that the
changing shapes had something to do with the stage of evolution for the cluster, but was
unable to establish what exactly the relation was. Trumpler’s view of the shapes was
colored by Russell’s theory of stellar evolution, which differed from the modern view,
and this likely kept him from making the connection. Russell’s idea of stellar evolution
was based on the fact that early in the century the source of stellar energy was believed to
be gravitational contraction. Russell thought that stars began life as red giants and
contracted through their life time without mass loss, leading to increased density. If stars
begin as extreme red giants, they begin life out on the top right edge of the H-R diagram,
in what is now called the giant region. As they contract they move towards the main
sequence. Russell believed that at the junction of the giant region and the main sequence,
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now called the turn-off point, the stellar material became incompressible. The stars then
decreased only slightly in radius as they cooled and moved down the main sequence. The
path on the H-R diagram for this theory of stellar evolution is an inverted seven shape,
moving from the top to the bottom, as shown in Figure 2.10. The stars on the giant
branch were thought to be younger, not the same age as the other stars on the H-R
diagram. So the accepted stellar evolution theory in Trumpler’s day prevented him from
making the leap to understanding that the shapes were age related. His work did however
serve to begin the study of H-R diagrams that would eventually lead to an understanding
of stellar evolutionary tracks (Sandage 1988).
Trumpler’s bins led eventually to the concept of a turn-off point on the CMD, or
the point at which the stars begin to leave the ZAMS. The modern theory of stellar
evolution predicts that the largest, hottest stars, the O type stars, finish their “adult” life
first, as they finish hydrogen burning and move to the next stage of evolution. When this
happens, they leave the main sequence, moving to the right on the H-R diagram. The
length of time necessary to reach this stage increases the cooler the star. Thus O stars
take the shortest amount of time, M stars the longest. The concept of a turn-off point has
been refined to the point that the age of the cluster can now be estimated with reasonable
accuracy from a CMD, based on the color of star that is leaving the main sequence.
2.4.4 Color-color plots
Another diagram that will be used in this document is the color-color plot. This
diagram is related to CMD’s, but rather than plotting magnitude versus color we instead
plot one color versus a different color. I will use in this work the color-color plot that is
most commonly used in stellar astronomy, (U – B) vs. (B – V).
Much as a CMD gives insight into the stellar populations present in a given field,
the color-color plot is useful to further differentiate the populations. Populations of stars
at various distances in a field are shifted vertically on a CMD, that is, the stars of the
same type and same absolute magnitude located at different distances exhibit different
apparent magnitudes. Interstellar dust can have varying effects on the color and the
brightness that a star appears to have. If we neglect this fact, then stars of differing
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distances and same absolute magnitudes appear at the same place on a color-color plot.
Simply put, a color-color plot allows us to look at the populations present independent of
their distances. Figure 2.11 is a color-color plot of the ZAMS, based on the SchmidtKaler ZAMS (Schmidt-Kaler 1982). These data were obtained through a systematic
empirical characterization of all available data.

Figure 2.12: Color-color plot of the Schmidt-Kaler ZAMS
Source: Data taken from (Schmidt-Kaler 1982)

45

Texas Tech University, W. Lee Powell Jr., May 2008

Cleary then a color-color plot can also be used to measure the effects of dust on
the colors of the stars by shifts in the populations. I will discuss the effect of dust in
greater detail in the next section, but suffice it to say that a color-color plot is an excellent
tool to measure the amount of reddening present in a given field.
2.4.5 Dereddening and dust maps
As mentioned above, clouds of dust are present throughout the Milky Way.
These clouds are not distributed uniformly and they are not readily apparent when
observing in optical wavelengths. When observations are made of stars in our galaxy
there is always at least some dust between us and the stars. Optical light is scattered and
absorbed by this dust resulting in a reduction of the flux that we receive from stars.
Much like the effect our atmosphere has on light passing through it, shorter wavelength
light is preferentially scattered by the dust. The effect of the dust is then twofold. It
“reddens” the light through the removal of more short wavelength light than longer
wavelength light. This makes the observed color of stars appear redder. It also causes
the apparent magnitude of stars in different filters to appear fainter. When observing
stars in the disk of the galaxy the effect can be quite large. This effect must be dealt with
to correct the colors and magnitudes of the stars observed.
There are a few ways to deal with the effects of dust. I mentioned above the use
of color-color plots. These are particularly useful when the populations in the fields are
well-understood. I will discuss more how I used color-color plots and the Schmidt-Kaler
ZAMS in Chapter 3. In that chapter I shifted the ZAMS until it matched a population of
young stars that were known to exist in the fields. The amount that the ZAMS must be
shifted to match the observed populations can be used as a measure of the reddening
present.
A very common way to deal with the reddening involves the use of dust maps.
The currently used maps are known as the Schlegel-Finkbeiner-Davis (SFD) maps
(Schlegel, Finkbeiner et al. 1998) which have replaced the previously used BursteinHeiles maps. Figure 2.13 illustrates the significant improvement in resolution the SFD
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maps offer over previous dust maps. The top plot is a Burstein-Heiles (Burstein and
Heiles 1982) map and the bottom map is from SFD. The maps are available for use at

Burstein-Heiles

(a)

Dwingeloo 21cm

(b)

DIRBE+IRAS dust

DIRBE dust

(c)

(d)

Figure 2.13: Generations of dust maps: A slice of sky about 90̊ x 30̊
centered on l = 100̊, b = 35̊
Source: figure 7 from (Schlegel, Finkbeiner et al. 1998)
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http://www.astro.princeton.edu/~schlegel/dust/. The dust values are obtained using a C
program, or an IDL code, that can interpolate based on the user input galactic
coordinates. The returned value is E(B – V) which quantifies the amount of reddening in
B – V. The extinction (amount the stars looks fainter) for Landolt U, B, and V apparent
magnitudes can be calculated by multiplying the E(B – V) value by 5.434 for U, 4.315
for B, and 3.315 for V. This exhibits the expected behavior in that the U magnitude must
be corrected by a larger amount than the V magnitude, again since shorter wavelengths
are affected more.
These maps were produced by combining IR emission measurements, and by
considering the effect of the dust on sources external to the Milky Way. This produces a
complication that must be considered when using these maps. They contain the effect of
the entire column along a given line of sight. That means that the value is too large for
most objects that are relatively nearby in the galaxy. My method of correcting for this
has primarily been to use color-color plots to fine tune the reddening predicted by the
SFD maps. I will discuss the specific methods I used in the science chapters when the
topic comes up.
2.4.6 Theoretical isochrones and the Schmidt-Kaler ZAMS
The plotting of color-color plots and CMDs is a useful technique as described
above. To glean the maximum information from these plots we can use tools that have
been produced by theoretical means. I discussed above the use of the Schmidt-Kaler
ZAMS, which can be used to examine what a population of young main sequence stars
would look like in CMDs and color-color plots. That is one method that aids in
analyzing the populations present in a field.
Another method is the utilization of theoretical isochrones. As the name suggests,
a theoretical isochrone is a simulated dataset that illustrates what a population of stars
would look like at some given age. The models that produce these curves allow the user
to choose the range of ages to consider, and the chemical abundances of the star since the
abundance has bearing on the evolution of the stars. The curves are produced by building
semi-empirical theoretical models of the expected evolution of stars. Some commonly
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used models are collected at the website:
http://pleiadi.pd.astro.it/isoc_photsys.02/isoc_photsys.02.html. The website includes a
convenient user interface that allows curves matching a variety of parameters to be
produced. The curves are based upon the work of Giardi et al. (Giardi, Bertelli et al.
2002). By careful selection of age and abundance, theoretical curves can be found that
match the observed populations. This then gives insight into the nature of the observed
population of stars.
2.4.7 Radial velocities and metallicities from spectroscopy
Spectroscopy can add further details to the picture produced by analyzing the
photometry. For the work described in this dissertation the photometry has driven the
selection of targets for follow-up spectroscopic observations. I have observed the objects
we are interested in studying spectroscopically. After some analysis I chose stars that I
felt would be good tracers for the populations. I have mentioned metallicities and
abundances a few times in the sections above. The spectroscopy of these selected targets
offers us information about the metallicities of these stars. It also allows us to measure
the radial velocity of the stars. Doppler shifts are encoded in the spectra obtained and are
easily extracted when the spectra are analyzed. Hence these spectroscopic observations
give us information about the evolution history of the stars and their kinematics.
I discussed why distances are difficult to measure. The motions of the stars are
also difficult to quantify. The radial velocity is easy to extract from the spectra. Radial
velocity alone though only gives us the motion in one dimension. To obtain the full three
dimensional motion of the star we also need to know how it appears to move as seen on
the plane of the sky. This measurement is known as the proper motion of the star, which
is the science of astrometry. To make an astrometric measurement you need to have
observations of the field that have been made many years apart since the movements are
on the order of a few milliarcseconds per year. For brighter stars there are published
proper motions available. The HIPPARCOS satellite catalog I described above is one
such source of proper motions. The bulk of stars studied in this dissertation have no
proper motion information available. Even without proper motion measurements the
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radial velocity is a useful measure of the kinematics of a star. By looking at the
distribution of radial velocities for the populations of stars in the field we can make
deductions about the origin of the populations. If they are co-moving we can postulate
that the stars have a common origin. If the stars have velocities that are randomly
distributed it is more likely that they have no common link. The dispersions of various
components of the Milky Way have been measured, and hence, measuring the velocity
dispersion of a population allows us to determine its most likely origin.
It is important to note that the spectra can also provide information needed to
calculate the distance for stars for which an absolute magnitude cannot be extracted from
the photometry with confidence. The spectral type defines an absolute magnitude which
allows the distance to then be calculated. There are also ways to estimate the reddening
using just the spectra. This method will be discussed in more detail in the science
chapters.
2.5 Obtaining observing time
Texas Tech University does not have a research-grade observatory of its own, and
is not a member of a consortium that would grant local observers access to one. All
observing time that was used in this dissertation was applied for through peer reviewed
telescope allocation committees (TACs) for major observatories. A large amount of the
time has been received from McDonald Observatory. There is no cost to use the
instruments if time is granted. They do ask that an acknowledgement be attached to any
paper resulting from the data: “This paper includes data taken at The McDonald
Observatory of The University of Texas at Austin". The only cost to observe there is
room and board on the mountain at the modest cost of $80 per night.
Much of the photometry for this dissertation has been obtained on the 0.8m
telescope at McDonald. The 0.8m telescope there is an imaging instrument that uses a
nitrogen cooled CCD camera that offers a field of view of 48 arcminutes. McDonald
Observatory has some of the darkest skies available though the seeing (atmospheric
stability, and ability to resolve small angles) is not as good as that of some other
observatories. The 0.8m is only about 40% subscribed on average so most scientifically
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sound proposals are accepted to use this telescope. I have used the 0.8m for 10 separate
observing runs totaling 46 nights. Only about one in four of those nights could be called
photometric, meaning they had skies that were stable enough to allow high quality data to
be obtained.
We have had several other runs at McDonald Observatory to perform
spectroscopy of stars targeted by my photometry. We have primarily used the 2.7m,
though we have occasionally used the 2.1m telescope. Both of these telescopes are
subscribed at over 100%, which means there are more proposals than nights available on
these telescopes. The TAC reads the proposals carefully before granting telescope time
on these instruments.
I have also had three proposals that I wrote accepted through the National Optical
Astronomy Observatory (NOAO). The first proposal accepted awarded me 4 nights on
the 0.9m WIYN telescope to use the MOSAIC CCD camera at Kitt Peak National
Observatory in April 2006. This proposal was to use the telescope to search for globular
cluster tidal streams. This instrument is subscribed at over 400%, meaning that every
night has four requests for use. Since I am a graduate student and this work was for my
dissertation, the NOAO paid all of my travel expenses for this trip. Unfortunately I spent
four nights looking at Arizona cirrus clouds while the telescopes doing spectroscopy went
about their work. I also learned to use a telescope that I have not received more time to
use. That is the way this kind of astronomy goes sometimes.
The second proposal I had accepted was to observe the Canis Major Over-density.
I was granted 6 nights on the 0.9m at Cerro Tololo Inter-American Observatory (CTIO)
near La Serena, Chile in November 2006 (Thanksgiving it turns out is not celebrated in
Chile). This instrument is also heavily subscribed which means I wrote a superior
proposal. Again since this proposal was accepted by NOAO and the work is for my
dissertation, the NOAO paid my travel expenses to Chile. For this run I had 6 very good
nights and generated what is the basis of most of chapter 3. The seeing was spectacular,
the nights were clear, and the CCD is very modern. It took around a year to process the
more than 600 images that resulted from this run.
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Most recently I had a proposal accepted to return to CTIO to use the 4m telescope
and the Hydra spectrograph to make follow up observations of stars associated with the
Canis Major Over-density. This run is scheduled for the end of February 2008 and will
help give a final answer to the nature of this object. The data will be a part of a future
paper, but will not be available in time for this dissertation. The 4m is the most heavily
subscribed instrument I received time on with several proposals per available night.
The data in this dissertation are the result of a total of 80 nights on community
access telescopes, during 18 different observing runs, on 8 different telescopes at 4
different observatories.

Figure 2.14: McDonald Observatory: the 0.8m is at bottom right,
the 2.1m at left, the 2.7m at right, and the HET is in the center in the distance
Source: http://mcdonaldobservatory.org/research/telescopes/closeup.php?l_id=25
2.6 Summary
In this chapter I have introduced the observational tools that will be used in the
remaining chapters of this document. Any details that are absent have been omitted in
the interest of brevity, simplicity, because they are outside the scope of this document,
and/or because they will be discussed in greater detail in the science chapters that follow.
The descriptions above often make the procedures seem much more straight forward than
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they actually are. There are many variables to consider when doing observational
astronomy and none of these steps can be performed without extensive experience and
input from the observer.
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CHAPTER III
INVESTIGATION THE CANIS MAJOR OVER-DENSITY

3.1 Literature Review
Chapter III details my investigation of the nature and origins of what is known as
the Canis Major Over-density (CMa). In 2004 Martin et al. (Martin 2004a) announced
that they had discovered a statistical excess, or over-density, of M-giants in the
constellation Canis Major. They used the infrared survey known as 2MASS (the twomicron all sky survey) to probe the distribution of M giant stars in the Milky Way. When
they found an area that had a large deviation from the background in terms of the number
of M giants, they declared that the source of the extra stars was a disrupted dwarf galaxy
that has been consumed by the Milky Way. Their spectroscopic study of the CMa
(Martin 2004b; Martin 2005) showed that the M giants had a mean velocity of 109 km/s
with a low dispersion of 13km/s. They claimed this was evidence that the over-density
was indeed of external origin. There has been considerable debate over this assertion in
the short time since this announcement.
I will first discuss the evidence and implications of dwarf galaxies and their
streams in the Milky Way. Most early models for the formation of the Milky Way are
monolithic in nature: the Galaxy formed in a single event, with on-going star formation
(Gott 1977) . A popular theory today takes a different approach by suggesting that
galaxies form through a slower process of accretion, dominated by dark matter.
Primordial fluctuations in the background accrete matter and merge with other small
structures to eventually form large galaxies. This idea is commonly referred to as
hierarchical clustering, or merging, and was described first by White and Rees (White
and Rees 1978). It is commonly believed that this process is continuing, and the
discovery of a number of dwarf spheroidal galaxies surrounding the Milky Way has been
taken as evidence that this theory is correct. The first of these dwarfs that is associated
with the Milky Way was discovered by Harlow Shapley in 1938. Four were found in the
1950’s, one was found in the 1970’s, and another was found in 1990 (Irwin 1990). All of
these were found outside of the main part of the Milky Way and were really satellite
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galaxies. The evidence for active accretion in the Milky Way grew again with the
discovery of the Sagittarius Dwarf galaxy (Sag dwarf) and its accompanying stream
(Helmi 1999). The Sag dwarf was discovered in 1995 by Ibata, Gilmore, and Irwin (Ibata
1995) using photographic plates from the UK Schmidt telescope, an automated plate
measuring instrument, and the Anglo-Australian telescope multi-fiber spectrograph. The
Sag dwarf was discovered at a distance of only 16 kpc from the center of the Galaxy, and
it shows clear signs of tidal distortion due to the influence of the Milky Way. Further
investigations show that the Sag dwarf has survived for many orbits of the Milky Way,
which suggests that the dark matter halo is not centrally located at the core of the dwarf
but rather extends in a constant density distribution throughout the dwarf (Ibata 1997).
There is a well-defined stream of stars associated with the Sag dwarf as well
(Newberg 2002). This stream has been used to model the potential of the Milky Way,
helping to constrain its dark matter halo. A number of globular clusters have been tied
kinematically and chemically to the Sag stream (Carraro 2007), and the argument that the
structure of our Galaxy is due, in part at the least, to in falling companion galaxies has
been gaining considerable weight. All of these successes have led to considerable effort
being directed to finding and mapping further tidal streams in the Milky Way.
The discovery of the CMa by Martin et al. was viewed as yet another of this type
of object. The community expected more discoveries to be made as new large scale
surveys were released, such as the 2MASS and Sloan Digital Sky Survey (SDSS). The
key difference that opens the door to opposing viewpoints is that the orbit of the CMa is
very near to the plane of the Galaxy, making it difficult to separate from the disk due to
the large population already there and the large amount of dust obscuring details. The
dust produces heavy differential reddening, that is, reddening that is changing rapidly
over small fields. This makes accurate calibration of the data difficult at best.
The dwarf galaxy origin for the CMa is strengthened by its proximity to the ringlike structure discovered by Yanny et al. (Yanny 2003) using the SDSS, which is referred
to as the Monoceros Ring. This low-latitude structure encircles the Milky Way, and has
been argued to be the signature of a tidal stream left by a cannibalized dwarf galaxy.
Martin et al. argued that the CMa is likely to be the progenitor object of the ring.
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The picture is further complicated by the fact that the disk of our Galaxy is
warped. The large and small Magellanic clouds (LMC and SMC) could be the source of
this warp, or it could result to some other interaction. Whatever the sources, a
perturbation to the outer part of the Milky Way’s disk results in a warp. The result is a
bending of the disk. The disk also flares near the edges due to perturbations of the LMC
and other dwarf galaxies. These two effects are most easily detected in radio
wavelengths that can observe the distribution of gas in the Milky Way. Figure 3.1 shows
the effect as observed in a different galaxy. The location of the CMa coincides with the
location of the warp found by some groups. This means that the CMa could simply be
due to mistaking the warped disk for a signal of external origin. The leading voice

Figure 3.1: The Warped Spiral Galaxy ESO 510-13
Credit: Astronomy Picture of the Day, 7 June 2003.

http://antwrp.gsfc.nasa.gov/apod/astropix.html
Hubble Heritage Team (STScI / AURA), C. Conselice (U. Wisconsin / STScI) et al.,
NASA
of dissent has been Yazan Momany of the University of Padua (Momany 2004; Momany
2006), who has tried to show that the CMa can be completely explained using warp
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models (Freudenreich 1998; Drimmel and Spergel 2001; Lopez-Corredoira 2002). He
also points out that over-densities have been observed in this part of the Galaxy before,
and previously had been attributed to the warp of the disk (Carney and Seitzer 1993;
Alard 2000). Martin et al. responded to the assertion that the CMa is due to the warp by
arguing that Momany was using an inaccurate model (Martin 2004b), and that the model
did not explain the narrow radial velocity peak they claim they find in the M giants they
studied.
A population of stars key to determining the nature of the CMa was first discussed
by Bellazzini et al. (Bellazzini 2004). Fields in the region of the CMa exhibit a
population of young hot stars in the blue part of the CMD. Bellazzini et al. claim that the
warp model cannot explain these stars. Carraro et al. found the same population in the
background of 30 open star clusters in the third Galactic quadrant, the same quadrant
where the CMa is located (Carraro 2005). They argue that these stars do not represent
the signature of the CMa, but rather the signature of the Norma-Cygnus spiral arm. Conn
et al. (Conn 2007) used data from their survey using the Anglo-Australian Telescope to
argue again that the warp model is not sufficient to explain the CMa, yet they again hinge
this on problems with the model and the young and old populations being co-spatial.
Lopez-Corredoira and Momany responded again that the warp model completely explains
the structure (Lopez-Corredoira 2007). The BP is key because the M giant stars studied
by Martin et al. are at a color in the CMD that is heavily populated, making it easy to
mistake foreground red dwarfs for red giants at a greater distance. Blue stars are far more
rare, and therefore an excess of these stars, as seen in the BP, cannot be due to field
contamination. The nature of the BP is crucial to determining the nature of the CMa.
Recent photometry studies (Butler 2007; De Jong 2007; Carraro 2008; Carraro
2008; Vazquez 2008) of the blue plume have all agreed that the nature of the blue plume
(BP) is crucial to understanding the nature of this population. If this population is cospatial with the old population that Martin et al studied, then the dwarf galaxy origin
argument of the CMa is strengthened. If on the other hand this population is consistent
with disk stars then the only viable explanation is that the CMa is a feature of the Milky
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Way. Spectroscopy of the stars and accurate characterization of the reddening is crucial
to settling this debate.
In this dissertation, I have worked to understand the nature of the BP. I present a
study based on both photometry and spectroscopy. I can now explain why providing a
coherent picture of the origin of the CMa has proven so difficult, and I believe I have
now accurately characterized the morphology and origin of this illusive structure.
3.2 My Approach
When the paper came out that announced the discovery of the CMa, our group
realized that we were well-positioned to further investigate the nature of the over-density.
I had been using the 0.8m telescope at McDonald Observatory to look for tidal streams
around globular clusters by targeting horizontal branch (HB) stars. HB stars are stars that
are in the later parts of their lives, fusing helium in their core rather than hydrogen.
Figure 3.2 shows a representative CMD of a globular cluster. On the figure, the main

Figure 3.2: A CMD for a typical globular cluster. The main sequence is labeled A,
the red giant branch is labeled B, and the HB is labeled C.
Credit: (Ondra 1998) from http://www.seds.org/messier/xtra/leos/M5f4.html
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sequence is labeled A, the red giant branch is labeled B, and the HB is labeled C. I chose
to target these stars since there are in general far fewer blue stars in the Milky Way than
there are red stars, as I described in Chapter 2. This means that if you are looking for the
signal of a particular object, there will be much less field contamination due to
foreground and background stars for blue stars than for red stars. As a further
motivation, my advisor prefers to analyze the spectra of hot (blue) stars rather than cool
(red) stars. The best example of a dwarf galaxy stream is the above mentioned
Sagittarius Stream. The Sag stream exhibits a well-defined HB, and our initial intention
was to obtain photometry of the CMa to identify the HB which we would then observe
using the 2.7m telescope at McDonald Observatory. All known dwarf galaxies exhibit
HB stars, and their presence or absence can be used to determine the origin of the CMa.
Since the work of Martin et al. was entirely based upon red stars, we decided we were in
a great position to address a different population of stars to either confirm or refute their
claim. We obtained time on the 0.8m and Amy Westfall and Abel Diaz traveled to
McDonald to make the observations. I reduced the data and made CMDs to look for the
HB we intended to target. We were surprised to find that there seemed to be no HB
present. There were some stars in the right location, but no concentration of stars in a
horizontal line that would indicate the HB. Figure 3.3 below shows a representative
CMD from this initial photometry. The photometry results are handicapped by the fact
that McD is located in the northern hemisphere. The stars of the CMa never get higher
than around 30̊ above the southern horizon, which is an airmass of 2. The standard stars
that I use from the Landolt catalog are near the celestial equator, which puts them 30̊
away from the CMa fields. This makes calibrating the photometry difficult, particularly
in the U band since shorter wavelength light is disturbed to a much greater degree by its
passage through that much atmosphere.
After some deliberations we decided that this should perhaps not be a surprise.
The results of Martin et al. indicate that the CMa is distended, in part along our line of
sight. If that is true, then we could be seeing HB stars at different distances along the
stream which would result in different apparent magnitudes. In any case, we had already
59

Texas Tech University, W. Lee Powell Jr., May 2008

obtained four nights on the 2.7m telescope using the Large Cassegrain Spectrograph
(LCS) for January 2005 to observe the HB. We chose stars that seemed most likely

Figure 3.3: A representative CMD: A CMa field from our preliminary photometry
(McDonald Observatory, January 2005). The stars targeted as potential HB stars are
marked in yellow.
to be HB stars and used the time to obtain spectra of these stars.
We have since found that there is a serious problem with the LCS spectrograph.
We still are not sure what the precise nature of the problem is, but the result is that the
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radial velocities are impossible to calibrate. As will be discussed in the next chapter, this
crippled my work on globular cluster tidal stream. The data were still useful in noting
that the stars we observed were not HB stars, but rather main sequence (MS) stars, a
fundamentally different population. HB stars are in the latter stages of their lives while
MS stars are still burning Hydrogen in their cores. Also, even though the radial velocities
could not be calibrated relative to the motion of the Sun, they still exhibited no clumping.
We instead saw a scatter in the velocities that is not indicative of a single clump of stars.
Using the results of this preliminary photometry and spectroscopy, I submitted a
proposal through the National Optical Astronomy Observatory (NOAO) for time on the
Cerro Tololo Inter-American Observatory (CTIO) 0.9m telescope, near La Serena, Chile,
to obtain detailed photometry of the blue stars in the CMa. This instrument is heavily
subscribed, with around 5 proposals per available night being submitted. I received six
nights on the telescope, 24-29 November 2006. All six nights turned out to be very wellsuited to accurate photometry, with extremely low humidity (less than 10% for the entire
run) and excellent seeing (the stars were resolved as less than 1 arcsecond on the CCD for
the entire run). At McD, the skies have never been sub-arcsecond in seeing on any of my
photometry observing runs. The CCD has 2048 pixels and offers a 13.5 arcminute field,
roughly 1/9 the size of the McD field of view. It is read out through four amplifiers
which introduces an extra step in the reduction process, which I will describe below.
Using four amplifiers drastically speeds up the read out time (30 seconds vs. 183 seconds
at McD), so I ended up covering a little less sky to much fainter magnitudes with much
smaller errors in the same amount of time compared to McD.

I will discuss my

photometry results in the next section.
Using the photometry, I selected around 500 blue stars for follow-up
spectroscopy. When I made the application for time, I still expected to pursue HB stars.
The studies of Butler et al. and De Jong et al. were published before I made the trip to
Chile, so I knew that I was going to probing the BP rather than the HB by the time I
arrived at CTIO. The candidates I selected came from 16 photometry fields I observed at
CTIO, and all were drawn from the BP population. I submitted a proposal to NOAO in
September 2007 for time on the 4m Blanco telescope and its Hydra multi-object
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spectrograph at CTIO. I was granted two nights on this instrument for 28-29 February
2008, which is even more highly subscribed than the 0.9m with only something like 1 in
10 proposals receiving time. Ken Carrell made the trip to Chile and obtained around 300
spectra during the two night run. Due to the large quantity of data obtained, these data
are not available for this dissertation.

They will instead be the heart of a second

publication I will be submitting on this object.
Fortuitously, Ken Carrell also had his own observing run scheduled for early
February on the 3.5m WIYN telescope and the Hydra spectrograph at Kitt Peak National
Observatory (KPNO) in Arizona. He was able to obtain one CMa field for me during his
run, giving me a large enough sample to dramatically improve this dissertation. These
data will be discussed in a later section.
The combination of my CTIO photometry and the WIYN spectra was sufficient to
provide a definitive deeper look into the nature of the BP.
3.3 The CTIO Photometry Observing Run
3.3.1 Introduction
As discussed above, my results on the CMa are based upon the photometry I
obtained at CTIO, and upon the spectra obtained at WIYN. The CTIO run was six nights
long, under ideal conditions. During the course of the run, I obtained flat field and bias
images to use in calibrating the CCD images. I also obtained standard stars throughout
the night (Landolt 1992) that were used to adjust the data to the standard system as
described in Chapter 2. The final photometry results were used to make CMD’s and
color-color (c-c) plots. The c-c plots were used to help address the difficulty presented
by the heavy differential photometry present in the CMa fields.
3.3.2 Standard Star Solutions
Several Landolt standard star fields were observed each night, at various times
and airmasses. Seven to eleven fields were observed each night, and each field contained
several stars. A field was obtained every hour to hour and a half, in each of the three
filters that were used, U, B, and V. The fields used were T Phe, SA92, SA 98, SA 101,
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and pg1047. The details of these fields are given in table 3.1. Figure 3.4 shows the
distribution of the standards, with airmass plotted vs. universal time. The goal when
observing standards is to cover a full ranges of airmasses during a time span
corresponding to the times of the observations. As many stars as possible need to be
observed, so that the night sky solution is well-sampled across a full range of times,
airmasses, and colors. To obtain a solution for each night’s sky, I measured the
Fields
T Phe
SA 92
SA 98
SA 101
PG 1047

RA
Dec
00:30:09 -46:31:22
00:53:16 +00:36:18
06:51:27 -00:15:37
09:54:51 -00:27:28
10:50:53 -00:00:32

Stars
7
6
12
2
4

Table 3.1: The Landolt standard star fields, including the number of stars per field.
magnitude of the standard stars on each plate and constructed a matrix that contained the
pertinent information for each star. A full description of how and why I do each step is
included in chapter 2. Each row in the matrix corresponds to a single observation. For
the first iteration, the columns were 1, airmass (X), and UT. The 1 in the first column
allows me to solve for the zero-point for the system and the sky. The X and UT terms
probe how the night sky effects the observations with regards to these two independent
effects. Color terms are not included since instrumental colors are not accurate due to
unequal effects in the various color bands. Upon solving for the coefficients
corresponding to this first matrix, I was able to solve for rough magnitudes for all stars on
the plates. The rough solution coefficients are included in table 3.2.
I then used the rough magnitudes to construct the colors B-V and U-B. I then
made the matrices that would be used to solve for a full set of coefficients. The matrix
still had one row per observation, but now the columns were 1, (B-V), (B-V)2, (B-V)3, X,
X*(B-V), and UT. The seven coefficients then were the zero point, three orders of color
terms, an airmass term, a cross term mingling the effects of color and airmass, and finally
a time term. The full solutions are displayed in table 3.3.
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Figure 3.4: Distribution of standard star observations for each night.
The rows in the above table labeled “avg” and “stdev” give the average error of
the solution, found by applying the solution back to the standard stars and comparing the
results with the published numbers. On the first iteration, I examined the result of
applying the solution to each star to identify stars that were not fitting well in the
solution. I re-examined the stars by eye on the plate to see if I could identify any defect
in the image that could account for the variation. Typically a nearby star was saturated
and contributing signal to the standard star’s data, or the star fell at a place on the chip
where a cosmic ray event was recorded or a column/pixel defect was located. After
removing stars that were identified as behaving badly, the solution was recalculated. The
terms in table 3.2 are the values that resulted from solving with the culled list.
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V
zero
X
UT
avg
stdev
B
zero
X
UT
avg
stdev
U
zero
X
UT
avg
stdev

night 1
night 2
night 3
night 4
night 5
night 6
-23.89166 -23.87420 -23.65671 -23.70240 -23.97776 -23.92989
0.11276
0.15019
0.05942 -0.01200 0.22866
0.16302
0.00473 -0.00360 -0.01998 0.00774 -0.00281 0.00041
0.01968
0.02275
0.02176
0.05871
0.02203
0.01966
0.01265
0.02199
0.04525
0.03553
0.02253
0.01860
night 1
night 2
night 3
night 4
night 5
night 6
-23.55533 -23.69709 -23.61462 -23.67065 -23.78125 -23.58390
0.17774
0.31267
0.26610
0.24932
0.37775
0.22586
0.00899
0.00582 -0.00073 0.01057
0.00589
0.00769
0.04016
0.06352
0.05566
0.06327
0.06053
0.05412
0.02398
0.04157
0.03488
0.04303
0.04624
0.03551
night 1
night 2
night 3
night 4
night 5
night 6
-22.07014 -21.96679 -21.87038 -22.05992 -22.10418 -21.84693
0.47798
0.44140
0.42155
0.47662
0.53987
0.48114
-0.00422 -0.00981 -0.02661 -0.00580 -0.00357 -0.03262
0.04049
0.08390
0.07352
0.06968
0.04871
0.09905
0.02727
0.06576
0.06283
0.06692
0.04718
0.10679
Table 3.2: The “rough” solution coefficients for each night

As stated above, the full solution was then obtained. For the solution in U, the
(B-V) terms were replaced with (U-B) terms. The standard deviations in the table were
taken as the errors in the final solutions. The process of solving for a solution for each
night is a very long and iterative process that can not be automated if the errors are to be
minimized. The typical errors were as follows: V band: 1%, B band: 1.4%, and U band:
4%. The larger errors in the U band are due to the inherent limitations imposed by the
sky for short wavelengths, and due to larger errors in the Landolt catalog for this band.
3.3.3 The Photometry Results
The result of my CTIO photometry run is deep three color imaging of sixteen
13.5’ fields near the CMa core. The fields center on a Galactic longitude of 238̊.65 and
Galactic latitude of -7̊.52, which is roughly centered on the center of the CMa as
described by Martin et al. The bright limit of the fields is 13th magnitude, and the faint
limit is 20th magnitude. The BP is readily visible in the fields. The coordinates of the
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fields can be found in the section on dealing with reddening. The diagrams for all of the
fields are remarkably similar. A representative CMD and color-color plot is shown
V
night 1 night 2 night 3 night 4 night 5 night 6
zero -23.81073 -23.92331 -23.75046 -23.91204 -23.99765 -23.86015
b - v -0.07692 0.02183 0.03333 0.01416 0.04263 -0.00051
(b-v)^2 0.01577 -0.01747 -0.04612 -0.04894 -0.03442 -0.05936
(b-v)^3 -0.00187 0.00324 0.01222 0.01336 0.01142 0.01930
0.07319 0.17790 0.09675 0.15152 0.25631 0.14261
X
X(b - v) 0.02051 -0.01070 -0.00589 0.00476 -0.03029 0.00268
0.00443 0.00036 -0.01182 0.00501 -0.00154 0.00070
UT
0.01169 0.00539 0.00772 0.01884 0.01508 0.01196
avg
stdev 0.01013 0.00412 0.00667 0.01779 0.01538 0.01144
B
night 1 night 2 night 3 night 4 night 5 night 6
zero -23.82993 -23.81517 -23.70072 -23.76484 -23.82897 -23.73981
0.28288 0.28001 0.20455 0.16219 0.11984 0.15522
b-v
(b-v)^2 -0.05715 -0.17911 -0.09578 -0.08240 -0.06902 -0.05621
(b-v)^3 0.01793 0.09799 0.02629 0.02342 0.02055 0.01757
0.34834 0.35360 0.27266 0.31557 0.35848 0.28090
X
X(b - v) -0.12706 -0.13999 -0.02331 -0.00592 0.01146 -0.03041
0.00007 0.01571 -0.00396 0.00086 0.00568 0.01110
UT
0.02241 0.02018 0.01291 0.01572 0.01853 0.02011
avg
stdev 0.01495 0.01381 0.01528 0.01455 0.01381 0.01395
U
night 1 night 2 night 3 night 4 night 5 night 6
zero -22.09417 -21.93109 -21.76030 -21.87658 -21.99287 -21.99602
0.22265 0.11728 -0.27973 -0.29894 -0.31814 -0.22096
u-b
(u-b)^2 -0.38197 0.02651 0.03724 0.04897 0.06070 0.00042
(u-b)^3 0.14698 -0.01716 -0.01585 -0.01878 -0.02171 0.05661
0.46326 0.41859 0.30673 0.39401 0.48130 0.58231
X
X(u-b) -0.03089 -0.01115 0.17309 0.16388 0.15467 0.00387
0.00246 -0.01531 -0.01703 -0.01083 -0.00464 -0.02239
UT
0.05033 0.05201 0.06272 0.05470 0.04668 0.04162
avg
stdev 0.04307 0.03877 0.04547 0.04178 0.03810 0.02353
Table 3.3: The “full” solution coefficients for each night.

in Figure 3.5 and 3.6 respectively. The stars marked with error bars are stars for which I
obtained spectra. The selection of these stars will be discussed below. The spectroscopy
will be discussed in the next section.
To select stars that are likely to be part of the BP, I applied a manual cut on the
CMD of stars that look to match the BP that rises along the left (blue) side of the CMD. I
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then plotted those stars on the c-c plot to be sure that they were consistently coherent in
both plots. I have left a few stars in the c-c plot for NC9 that are less likely to be true BP
stars, namely the open circles that are in the center of the c-c plot, adjacent to the solid
stars that are clearly not BP stars. By making careful successive plots I was able to select

Figure 3.5: The CMD of field NC9. The BP stars are marked with open circles.
67

Texas Tech University, W. Lee Powell Jr., May 2008

the stars that are most likely to be BP stars. Obtaining spectra on these stars, particularly
the faintest stars of the BP, requires time on large telescopes and I need to be sure that I
minimize obtaining spectra of falsely identified stars. The numbers of stars selected are
summarized in table 3.5. The column labels represent magnitude ranges: 14.x are the
stars from 14.0 to <15.0, etc.

Figure 3.6: The color-color plot for NC9. The curves on the plot are Schmidt-Kaler
empirical main sequence curves. The open circles are the same BP stars marked on the
CMD. The solid line is not reddened, the dash-dot line is reddened to 0.175, and the
dashed line is reddened to 0.3.
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Once the stars have been selected for a given field, a plate solution must be
obtained to solve for the accurate coordinates of the stars in the field. The coordinates
must be accurate to a fraction of an arcsecond to insure that the star will be correctly
positioned on the fibers of the multi-object spectrographs that are used for this work. The
typical size of the fibers is 1 to 3 arcseconds.

Field 14.x 15.x 16.x 17.x
6
8 34
nc3 0
2
6 20 41
4
0
8 15 33
5
0
6 21 29
9
0
4 13 34
10
0
0
5 29
11
0 11 10 25
15
0
9 13 29
16
0
1 12 24
17
0
1
5 22
22
0
4 11 17
23
0
3 12 24
28
0
6 20 28
29
0
4 15 34
30
totals 2 69 180 403

18.x
18
19
10
10
16
19
23
27
23
17
44
17
25
13
281

19.x TOTAL
8
74
3
91
5
71
4
70
2
69
3
56
1
70
13
91
5
65
4
49
33
109
3
59
6
85
11
77
101 1036

Table 3.4: The BP candidates by number for the CMa fields.
The next step was to solve for a plate solution so that the identified candidate stars
could be assigned coordinates that would allow them to be accurately positioned on the
fibers of the spectrograph. I used an astrometry (which is the science of positional
astronomy) routine in the program MIRA that does a 6 order fit to the RA/Dec
coordinates I input for selected stars to the pixel coordinates encoded in the CCD image.
The sky coordinates (RA/Dec) were taken from the UCAC2 (US Naval Observatory
CCD Astrograph Catalog (Zacharias 2004)). This catalog contains 48,330,571 sources
(most of which are stars) with positions that have accuracies of 15 to 70 milli-arcseconds.
To solve for a plate solution, a number of stars had to be identified manually on one CCD
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image per field. A minimum of nine stars were selected from across the field for my first
iteration. The total number required depended on the success of my first effort. The best
accuracy for my plate solutions was at or below the accuracy limit claimed in the UCAC2
paper. My best result was an rms error of 0.0114 arcseconds in RA and 0.0073
arceseconds in Dec. Some plates have errors a little larger than this, but this is a typical
result. Nine stars were enough for most of the plates, but occasionally I needed to select
a few more stars and re-run the calibration routine. Automated approaches have not
obtained the accuracy that I managed by doing the plate solutions interactively, and
selecting the stars manually. The plate solutions proved more than adequate to have all
of my targeted stars fall correctly down the fibers of the spectrographs.
I have not discussed correcting my photometry for the differential reddening that
is present in these fields. The final method I used is a combination of two independent
approaches, one based on my photometry, and another based on the spectra and my nonreddening corrected photometry. The details of these methods will be discussed in
section 3.5.
3.4 The WIYN Spectroscopy
I previously discussed the spectroscopy that was obtained at McD, which was
used to understand the populations to facilitate the successful application to CTIO for
photometry. I also explained why this data proved to be useless in the broader study.
The spectroscopy data that was used in the analysis and paper to follow all came from a
different observing run. Ken Carrell was awarded four nights on the WIYN 3.5m
telescope for a project titled “Kinematic Properties of the Northern Arm of the Sagittarius
Stream”, for 14-17 February 2008. The time I received on the 4m Blanco telescope for
the CMa project was scheduled for 28-29 February 2008. In the interest of completing
this project in time to graduate this year, Ken obtained 50 spectra of CMa stars during his
WIYN run. The multi-object spectrograph on the Blanco telescope was based on the
same design as that installed on the WIYN telescope. These allow the simultaneous
observation of as many as a hundred stars in the same exposure. Ken made one pointing
at my CMa field to obtain the spectra that are used for the rest of these analyses. He also
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traveled to Chile to make the observations during my Blanco run, and was able to obtain
further data on his targets. This sort of exchange of time is a common occurrence in
astronomy, since often the main target object of an observing run is not available for the
entire night. The extra time can be used to begin projects that are not well-developed
enough to be awarded time by a TAC on their own merits.
The spectrograph used is known as the Hydra, a reference to Greek mythology.
This is a multi-object spectrograph that positions individual fiber optics across the image
plane. These feed the light to a spectrograph mounted on a bench, and a CCD records the
spectra that are produced. The fibers are positioned along radii, and the minimum
separation of the fibers is 37 arcseconds. It takes 20-25 minutes to position the fibers,
and they can be positioned with an accuracy of 0.3 arc-seconds. The fibers are 3.1
arcseconds in diameter. The spectrograph has a resultant field-of-view of 1̊. Because of
the minimum fiber separation, and the fact that they are positioned along radii with only
one star possible along each particular radius, a positioning simulator must be run
multiple times on a list containing many more stars than will actually be observed so that

Figure 3.7: The WIYN Hydra spectrograph.
Credit: Phil Massey, Lowell Obs./NOAO/AURA/NSF
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the maximum number of stars can be observed in each exposure. If this is neglected, the
fibers will collide as they are being positioned resulting in a loss of spectra for stars that
could have been observed but were missed due to these collisions. Figure 3.7 above
shows a picture of the instrument.
The WIYN field included stars from nine of the photometry fields. Since WIYN
has a field of view of 1̊ and the CTIO fields are 13.5’ across, I chose stars in the fields
NC 3, 4, 5, 9, 10, 11, 15, 16, and 17. I generated a list of nearly 100 stars in the range of
14th to 16th magnitude. For the CTIO observing run, I used the same footprint, but
expanded the magnitude range down to near 18th magnitude which generated a list of
about 400 stars. Kenneth Carrell dedicated one exposure to the CMa stars. In one three
hour exposure, we got quality spectra for nearly 50 stars. The wavelength coverage in
the spectra was 3500 to 5400Å, with a resolution of R ~2000. R is defined in the
following way: R =

λ
. The typical S/N was 20 at the Hδ line, and was 40 at the Hβ
Δλ

line.
As I mentioned above, the light from each star is fed down a fiber optic cable that
has a 3” diameter. My coordinate solution had residuals of between a tenth to a quarter
of an arcsecond, and as a result none of the fibers missed their intended target. This is
often a problem with coordinate solutions with larger errors. Plate solutions are not a
trivial process, since in general the solution is not linear. The fibers emerge from the
instrument at the image plane and are fed down to the bench spectrograph in the Coudé
room beneath the telescope. The fibers are aligned in a vertical stack so that the light is
projected through a grating and onto the CCD camera. The CCD camera records the
spectra, with the spectrum from each fiber one on top of the next in the image.
The calibration of spectra has some aspects in common with the calibration of
CCD images for photometry. Just as with CCD images for photometry, we have to
remove the noise in the reverse order that it was introduced. The first step is to make a
bias or zero correction, as described in chapter 2. A series of zero second exposures are
recorded that can be used to remove the noise introduced during the read out of the
image. This collection of bias images is combined using the median statistic, and the
resulting image is then subtracted from the image recording the spectra. The next step is
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a flat field correction. Just as I described in chapter 2, the telescope is pointed at a
uniformly illuminated source and an exposure is recorded. Instead of just correction
pixel to pixel deviations, the flat field in this case also accounts for non-uniform spectral
response. We need to remove the gross instrument response curve: we flatten the spectral
response. For WIYN data, all of these steps are ultimately done interactively with the
IRAF routine DOHYDRA. Once these corrections are made, the spectra are unpacked
and recorded as a collection of individual spectra.
Once this is done, the next step is to take a two dimensional image and make a
one dimensional spectrum. This is done by fitting a trace to the spectrum. The function
fit to the spectrum as it passes along the columns of the CCD, occasionally broadening or
narrowing depending on the part of the spectrum. The result of this fitting should be a
spectrum that is a plot of intensity versus pixel number. The next step is to calculate a
wavelength calibration. This is done using a spectrum taken of a comparison lamp at the
telescope. A known line library is used to find a polynomial that fits the lines in the
image. With the wavelengths calibrated, the spectrum is normalized so that the
continuum level of the spectrum is unity.
The final stage of calibrating the spectrum involves the use of synthetic spectra
generated from model atmospheres. For this work, we used the Kurucz Atlas9 models
(Kurucz 1993). These are generated for an assortment of surface gravities, effective
temperatures, and abundances. The spectrum to be reduced is compared to the synthetic
spectra using Gray’s SPECTRUM program (Gray and Corbally 1994), which uses a
library of all known spectral lines to compare the emergent flux of the model and actual
spectrum. Through the comparison process, we identify the Log g, Teff, and abundance
that resulted in the best fit. To solve for the radial velocity, the program looks for a
cross-correlation peak in the Fourier transform of the spectrum compared to the synthetic
spectrum.
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3.5 Results and Conclusions
With the combination of the photometry and spectroscopy data, I have been able
to build a coherent picture of the CMa that is quite different from that claimed by Martin
et. al.. In the next few sections I will discuss my findings.
3.5.1 Dealing with the Reddening
As I have discussed above, the CMa is located very near to the plane of the Milky
Way. At a Galactic latitude of -7̊, the CMa suffers from the effects of large amount of
gas and dust along the line of sight to the object. If this was a constant across the field,
this could still be treated simply. That is not the case, however, and the reddening values
can vary rapidly across the fields.
In section 2.4.5 I discussed the use of dust maps. The Schlegel et al. (SFD dust
maps are the most modern maps in use. The sources used to create these maps are not
located in the Milky Way, so they include all of the dust along the line of sight. This can
result in an over-estimate of the dust that should be present. Nearby stars obviously
should not be corrected with a dust estimate that includes all of the dust in the column
since much of the dust is potentially behind the star. This was addressed in a paper by
Bonfiacio, Monai, and Beers (Bonifacio 2000). They introduce equations that modify the
SFD maps to account for this effect, based on their own estimates using observations of
stars in the Milky Way. The first step in what I will call the BMB reddening is letting the
adopted reddening value be:
E(B – V)A = E(B – V)S

for

E(B – V)S ≤ 0.10

E(B – V)A = 0.10 + 0.65 [E(B – V)S – 0.10]

for

E(B – V)S > 0.10

where E(B – V)A is the adopted reddening estimate. A further reduction is introduced
based upon the star’s location in the Milky Way. The reddening layer in the Galaxy is
assumed to have a scale height of h = 125 pc, meaning that a star closer than 125 pc from
the Galactic plane should have its reddening value further reduced. A star at a distance D
would have its value further reduced by a factor of:
⎡
⎛ D sin b
⎢1 − exp ⎜ −
⎜
h
⎢⎣
⎝
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I summarize the SFD and the BMB estimates for the nine fields covered by the WIYN
spectroscopic observation in table 3.6.
RA
DEC
L
b
SFD
BMB
NC3 108.129 -26.463 238.896 -7.4709 0.30897 0.23583
NC4 107.913 -26.463 238.808 -7.6443 0.2597 0.2038
NC5 107.696 -26.463 238.721 -7.8179 0.2884 0.22246
NC9 108.129 -26.247 238.701 -7.3737 0.39208 0.28985
NC10 107.913 -26.247 238.613 -7.5474 0.39489 0.29168
NC11 107.696 -26.247 238.525 -7.7213 0.35824 0.26785
NC15 108.129 -26.03 238.506 -7.2764 0.42152 0.30899
NC16 107.913 -26.03 238.418 -7.4504 0.44129 0.32184
NC17 107.696 -26.03 238.33 -7.6245 0.37762 0.28045
Table 3.5: A summary of the SFD and BMB E(B – V) values for the CMa fields.
The BMB value in the table should be accurate to 13% over the 6 arcminute
resolution scale claimed by SFD. With 13.5 arcminute fields, this resolution is not
sufficient to account for the rate at which the values vary in this highly differential field.
The bulk of the papers published on the CMa use either the SFD or BMB values. Since
the differential reddening has such a potentially misleading effect on any analyses of the
CMa, I decided to attempt a new approach to correcting for the reddening. I realized that
the photometry offered a way to probe the reddening through the BP population, which
was presumed to be made up of main sequence (MS) stars. Also, we found that the
spectroscopy also offered a method of determining the reddening that is independent of
that used based on the photometry. With two methods, I should be able to determine the
reddening of the individual stars studied with unprecedented accuracy.
I will first discuss the photometry based method. The fitting of empirical zero age
main sequence (ZAMS) curves to the data obtained for open clusters has been frequently
used to measure the reddening for stars in the clusters. Since the BP is expected to be
due to a population of MS stars, the same technique should work equally well for the
CMa. In the case of open clusters, the stars are all at the same distance, so the fitting of a
ZAMS to the CMD such that it fits the overall population is a useful technique. For the
CMa, we cannot presume that the stars are all at the same distance, regardless of the
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results claimed by Martin et al.. I therefore shifted the ZAMS on the color-color plot
until it fit each star for which we had spectroscopy, individually. Figure 3.6 shows a
color-color plot for NC9 with the stars not corrected for reddening. Three ZAMS curves
are plotted on the color-color plot. The solid line is not reddened, the middle line is
reddened to 0.175, and the third is reddened to 0.30. It is important to note that since the
ZAMS curve represents the brightness vs. color of real stars, and the dust affects different
colors of light in known ways, we cannot just shift the ZAMS as we please. It must be
shifted along a vector dictated by the physics of the reddening. The ZAMS moves along
a line defined by (U – B) – 0.79(B – V). Clearly from the plot, several of the stars match
more than one of the reddening curves. There is evidently a degeneracy in the fitting. A
star can be fit by a slightly reddened ZAMS on the horizontal part of the curve, or by a
heavily reddened ZAMS on the vertical blue part of the curve. With the photometry
alone, it is not possible to determine which reddening value is the correct one. One might
assume that the correct value should be the one nearest the BMB E(B – V). This could
be true, but based on the photometry alone there is no way to be sure that this is the
correct assumption.
Fortunately, I also have the spectroscopy data available. Using the spectrum of
the star, we use a comparison between the Hβ line profile and the reddening free Qparameter, which is defined as:

Q = (U – B) – 0.72(B – V). The colors here are those

from my photometry before I correct for reddening, so they are independent of my
determination. The line profile was determined by measuring the width of the line at 13
positions starting from 10% below the local-pseudo continuum and moving downward in
increments of 3% for twelve further measures. The widths were analyzed using a χ2
goodness of fit for all thirteen of the widths, as compared to profiles of synthetic spectra
from the Kurucz models and Gray’s stellar synthesis program. By comparing the Q
values generated using Kurucz synthetic UBV colors, a value for E(B – V) can be found.
Combining the results of the two methods I was able to break the degeneracy in
the photometry based values. Table 3.6 below shows the results for the stars that were of
sufficient quality to yield conclusive results. The standard deviation in the difference
between the result of the photometric and spectroscopic methods is 0.022. This shows
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that we have very good agreement in the results of the two methods. I chose the E(B –
V) value predicted by the photometric method as our adopted value. The mean value of
our adopted reddening value is 0.2861, compared to an average BMB value for the same
stars of 0.2676. This is within the error bar of 16% claimed by SFD in their paper, so we
can say that our method results in an average value that is the same as that of the BMB
method. The value of our method becomes apparent when I looked at the standard
deviation in the values. For the BMB method there is very little scatter, with a standard
deviation of 0.03777. Some of this dispersion is due to real variations point to point, and
some is due to inaccuracies introduced from interpolating on a map with a resolution that
is too low. My method results in a standard deviation of 0.1334. Clearly my method is
much better equipped to deal with the differential reddening since each star is accounted
for individually. This is a significant improval over the BMB. My method gives results
that are less muddled by the effects of differential reddening, and therefore is far better
able to describe the actual populations present in the CMa. I applied the E(B – V) value
adopted from my method to the photometry, and this dataset was used to calibrate the
spectroscopy data. I describe the results of the final calibrated spectroscopy in the Final
Results section below.
3.5.2 A Basic Model
Before I discuss my final results, I will first develop a model that can be
used to probe whether my results are consistent with what we would expect for a
population that is part of the Milky Way’s disk. The velocity data we have is only in the
radial direction, so model allows us to interpret the data in light of what is expected for
the Galaxy. One of the key signatures of the Milky Way disk is the fact that the
rotational velocities of the stars in the outer disk exhibit a constant value of 220 km/sec.
This fact is used as evidence of the dark matter content in the Galaxy, since the only way
to explain this is through the addition of mass in the outer disk above and beyond what
we see present. Since the CMa is beyond the orbit of the Sun, it should exhibit a
rotational velocity of 220 km/sec. The first step in exploiting this fact is examining the
geometry of the CMa, and the Sun in the Galaxy. The stars in the CMa are located at an
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Star
NC15_1438
NC10_0341
NC04_1418
NC11_2779
NC04_1762
NC10_0034
NC16_1732
NC09_0070
NC10_1652
NC04_3024
NC15_1624
NC04_0687
NC04_1164
NC04_1495
NC15_3567
NC03_0238
NC03_2891
NC10_0905
NC09_0277
NC09_1041
NC03_1056
NC03_0497
NC09_0260
NC17_2214
NC10_1413
NC16_0046
NC05_0619
NC16_0252
NC15_1663
NC03_3689
NC10_1359
NC09_0076
NC03_3278
NC09_1040
NC09_1561
NC05_2670
NC09_1189
NC10_1117
NC09_1156
NC10_1286
NC16_0053
NC10_1547
NC05_2928
NC04_0221

E(B - V) E(B - V) E(B - V) E(B - V)
ZAMS
Spec
BMB
SFD
0.46
0.5
0.317
0.434
0.475
0.5
0.300
0.408
0.345
0.31
0.220
0.285
0.555
0.52
0.254
0.337
0.515
0.5
0.207
0.265
0.46
0.44
0.318
0.436
0.33
0.37
0.317
0.434
0.32
0.32
0.309
0.421
0.4
0.35
0.262
0.350
0.28
0.3
0.195
0.247
0.33
0.3
0.302
0.411
0.33
0.35
0.228
0.296
0.325
0.32
0.218
0.282
0.35
0.32
0.213
0.273
0.38
0.38
0.305
0.416
0.46
~0.45
0.272
0.364
0.3
0.32
0.233
0.305
0.4
0.41
0.281
0.378
0.32
0.34
0.308
0.420
0.32
0.35
0.282
0.379
0.3
0.28
0.247
0.327
0.49
0.48
0.269
0.360
0.32
0.32
0.301
0.409
0.31
0.32
0.269
0.359
0.4
0.39
0.273
0.367
0.15
0.16
0.312
0.426
0
0.02
0.240
0.316
0.26
0.25
0.318
0.436
0.2
0.22
0.301
0.409
0.1
0.15
0.204
0.261
0.26
0.3
0.272
0.364
0.225
0.31
0.303
0.412
0.1
0.14
0.225
0.293
0.11
0.18
0.286
0.386
0.21
0.26
0.276
0.372
0.11
0.12
0.208
0.267
0.08
0.11
0.271
0.363
0.25
0.29
0.272
0.364
0.225
0.24
0.284
0.383
0.19
0.16
0.275
0.369
0.315
0.37
0.318
0.435
0.06
0.16
0.265
0.353
0.135
0.09
0.201
0.255
0.135
0.15
0.240
0.315

L
238.48
238.51
238.81
238.59
238.76
238.50
238.44
238.62
238.65
238.86
238.43
238.76
238.78
238.81
238.51
238.83
238.96
238.56
238.66
238.71
238.84
238.84
238.61
238.35
238.65
238.27
238.61
238.30
238.41
238.95
238.66
238.58
238.97
238.77
238.82
238.78
238.71
238.58
238.75
238.61
238.28
238.67
238.83
238.74

Table 3.6: Summary of the reddening results.
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B
-7.18
-7.59
-7.58
-7.75
-7.73
-7.50
-7.44
-7.29
-7.63
-7.72
-7.29
-7.59
-7.62
-7.61
-7.34
-7.38
-7.46
-7.62
-7.27
-7.42
-7.47
-7.39
-7.38
-7.70
-7.58
-7.49
-7.86
-7.48
-7.33
-7.60
-7.55
-7.36
-7.49
-7.30
-7.35
-7.85
-7.46
-7.65
-7.37
-7.62
-7.47
-7.56
-7.80
-7.57
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angle b below the disk. To simplify the model, I solved for the projection of the line-ofsight distance to the star into the plane of the disk. The distance to the star as projected
into the plane is simply:
D = d cos(b)

Figure 3.8 below shows the geometry. To implement the model, I know that the 220
km/sec motion of the stars in the CMa will be at a right angle to the line from the
Galactic center (GC) to the stars, if I take the liberty of assuming that the stars are on a
circular orbit around the GC. This is a reasonable assumption since this is in general true
for the stars in the Galaxy. I will then need to find the portion of this 220 km/sec that is
along the line of sight to the Sun, which will allow me to model the expected radial
velocity that will be observed in our data. There is a second part to the radial velocity,
since the Sun is itself orbiting the GC. The Sun has a small peculiar motion relative to
the 220 km/sec rotational velocity. I will ignore that for now, and solve based on the
assumption that the Sun moves in a circular orbit at 220 km/sec.
I can calculate x and y coordinates for the star’s projection in the plane relative to
the Galactic center. The coordinates are given by:
x = − D sin ( L − 180D )

and

y = D cos ( L − 180D ) + 7.8kpc

I can then calculate θ as indicated on the diagram, since it is simply given by:
⎛ −x ⎞
⎟
⎝ y ⎠

θ = Tan −1 ⎜

Close examination of the diagram shows that the component of the star’s velocity that is
directed towards the Sun is given by:
vstarrad = 220

km
cos ( 90D − α )
s

But what is α? Consider the triangle formed by the lines from the Galactic center to the
star, Galactic center to the Sun, and the Sun to the star. The sum of the angles must be
180̊. So we know that:

α + β + θ = 180D
Now look at the angles L and β. You will find that:
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Figure 3.8: The geometry of the CMa system. The distance D marked is the distance
from the Sun to the CMa as projected into the Galactic plane.
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β = 360D − L
Combining these two equations allows us to solve for α:

α = L − 180D − θ
How about the component of the Sun’s velocity along the same line-of-sight? The angle
between the Sun’s 220 km/s velocity indicated, and the line-of-sight is β-90̊, or 270̊-L.
The component is then:
vSunrad = 220

km
cos ( 270D − L )
s

The expected observed radial velocity is then:
vSunrad − vStarrad = vrad
This results in a radial velocity that corresponds to the standard definition in astronomy
of positive radial velocity corresponding to an object that is moving away from the
observer. This definition results in the majority of objects in the Universe having
positive radial velocities. The radial velocities of stars in our Galaxy are more evenly
distributed between positive and negative values.
I have assumed that the star is moving only in the vφ direction, and not in the vz
direction. We can test the validity of this assumption. If the orbit of a star was inclined
such that it oscillates from below the disk to above the disk and back down, then we can
assume that the average velocity in the z direction is:
vz =

4z
P

where z is the vertical distance out of the plane and P is the period of the orbit. Let us
assume that the star is at its maximum displacement out of the disk, that is, that
z = r sin(b). If it moves further out of the disk than its present position then the
assumption that the star is moving as part of the disk becomes more unlikely since the
star will move too far out of the disk during its orbit. If we keep to our assumption of a
circular orbit, the period must be: P =

2π r
. For simplicity’s sake, let us assume that
vφ

vφ = 220 km/sec. Substituting for P in the vz equation above yields:
81

Texas Tech University, W. Lee Powell Jr., May 2008

vz =

4r sin b 4vφ sin b
=
2π
⎛ 2π r ⎞
⎜⎜
⎟⎟
⎝ vφ ⎠

Assuming the location of the CMa fields, b = -7̊.5. We then get:
km ⎞
⎛
D
2 ⎜ 220
⎟ sin 7 .5
km
s ⎠
= 18.3
vz = ⎝
s
π
The total velocity of the star is then given by: v 2total = v 2 z + v 2φ
Using the numbers above, vφ = 220 km/sec and vz = 18.3km/sec, the total velocity is
220.76 km/sec. So the total velocity is basically entirely due to the orbital velocity.
Looking at it another way, we could find the component of the z velocity towards the
Sun. Then vzrad = vz sin b = 18.3

km
km
sin(7D.5) = 2.4
. The error bars on the radial
s
s

velocities measured by the spectroscopy are several times larger than this small
correction so we are completely justified in ignoring the vertical component. It is still
possible that the orbit might not be circular, but if the star’s orbit departs enough from
circular to impart a measurable velocity in the r direction then modeling the star as part of
the disk is again impossible.
This whole treatment on the z component of the velocity is in a way a moot point.
First, I assumed that the star was at its greatest distance out of the disk. If that were true,
the star’s z velocity must be zero since it is changing from moving out of the disk to into
the disk. I could change the assumption to say that it is already moving back in or still
moving out, but then the whole idea that the star is a part of the disk is weakened. There
is a scale height to the thin and think disk. A very recent paper by Juric et al. (Juric 2008)
gives the values of these scale heights for the thin and thick disk as 300pc and 900pc
respectively. If it is outside these scale heights then the whole assumption that the star
has a disk-like orbit is unjustified.
I have used an admittedly simple model here, but it does give a context for my
measurements. There is dispersion in the motions of stars in the disk on the order of
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15km/s. I will therefore look for general agreement, not necessarily an exact match. My
predicted radial velocity values will be included in the tables in the next section.
3.5.3 Final Results
The analyses of the spectra using my photometry yields several parameters that
help explain the populations of stars that make up the BP. First, the spectra combined
with the reddening corrected photometry tell us the distance and radial velocity to the
stars. The spectra can also tell us the abundance and the surface gravity (Log g) for the
stars. I will begin my discussion by considering the distance and radial velocity for the
CMa BP stars I studied. The results of the photometry and spectroscopy calibrations are
in tables on next two pages. The photometry result tables include the estimated errors in
the photometry. These errors are calculated from a combination of the measurement
error as determined in the process of obtaining the photometry, the errors in the night sky
solution, and the estimated errors in the reddening determination which is taken to be
0.022, the difference between my two methods of determining the reddening. These
three sources of error were added in quadrature. In the spectroscopy table, the errors are
given as well. These errors are based upon the errors in the fit of the spectral models,
combined with the photometric errors. There are blank spots in Fe/H, the chemical
abundance. For some stars, the metal lines were too weak to yield reliable abundances.
The abundance measurements are confounded by the high concentration of interstellar
calcium in the disk of the Galaxy that adds extra signal to the spectra that is hard to
account for.
I made checks of the reddening values to test the validity and implications of my
adopted values. In figure 3.9 below shows a plot of the adopted E(B – V) vs the
measured effective temperature. There seems at first to be a systematic difference for the
two temperature ranges. This is in fact real, but not unexpected. I selected stars from a
particular region of the CMD. Some of those stars had large reddening values and some
had small. The result is that although all the stars look the same, the more reddened stars
must be hotter and therefore more blue, once the data are calibrated with respect to the
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Table 3.7: The photometry results
Star

V

B

U

B-V

U-B

err V

err B

err U

e (B-V) e (U-B)

15-1438

15.018 15.310 15.328

0.293

0.018

0.067

0.044 0.058

0.080

0.072

10-341

14.383 14.245 13.634

-0.138

-0.611

0.023

0.027 0.051

0.035

0.057

4-1418

14.967 14.935 14.725

-0.032

-0.210

0.023

0.027 0.045

0.036

0.052

11-2779

15.816 16.110 16.122

0.293

0.013

0.024

0.027 0.049

0.036

0.056

4-1762

16.036 16.035 15.913

-0.001

-0.121

0.023

0.026 0.045

0.035

0.052

10-0034

16.914 17.175 17.232

0.261

0.057

0.023

0.028 0.045

0.036

0.053

16-1732

15.323 15.414 15.476

0.090

0.062

0.032

0.032 0.066

0.045

0.074

9-70

15.652 16.051 16.027

0.399

-0.024

0.024

0.027 0.049

0.036

0.056

10-1652

15.807 15.948 16.035

0.141

0.087

0.023

0.027 0.045

0.036

0.052

4-3024

16.054 16.349 16.391

0.294

0.042

0.025

0.033 0.056

0.042

0.065

15-1624

16.035 16.298 16.307

0.264

0.008

0.036

0.054 0.062

0.065

0.082

4-0687

15.017 15.011 14.747

-0.006

-0.264

0.023

0.027 0.051

0.036

0.058

4-1184

14.536 14.437 13.918

-0.099

-0.519

0.025

0.027 0.051

0.036

0.058

4-1495

14.828 14.796 14.511

-0.033

-0.285

0.029

0.028 0.047

0.040

0.055

15-3567

14.309 14.217 13.697

-0.093

-0.520

0.023

0.027 0.051

0.035

0.057

3-238

15.624 15.844 15.880

0.221

0.036

0.037

0.033 0.055

0.049

0.064

3-2891

14.721 15.042 15.039

0.320

-0.003

0.024

0.027 0.048

0.036

0.055

10-905

14.856 14.941 14.947

0.085

0.006

0.023

0.027 0.045

0.035

0.052

9-277

14.692 14.713 14.549

0.020

-0.164

0.033

0.029 0.052

0.044

0.059

9-1041

14.287 14.182 13.681

-0.105

-0.500

0.023

0.027 0.051

0.035

0.057

3-1056

14.589 14.607 14.489

0.018

-0.118

0.022

0.026 0.045

0.034

0.052

3-497

15.322 15.271 15.065

-0.050

-0.206

0.023

0.027 0.045

0.035

0.053

9-260

15.381 15.605 15.612

0.223

0.008

0.033

0.029 0.052

0.044

0.060

17-2214

14.667 14.854 14.847

0.187

-0.008

0.028

0.026 0.048

0.039

0.054

10-1413

14.842 14.823 14.610

-0.019

-0.213

0.026

0.028 0.049

0.038

0.056

16-46

14.127 14.042 13.642

-0.085

-0.400

0.025

0.027 0.048

0.036

0.055

5-619

15.299 15.250 14.975

-0.049

-0.275

0.025

0.028 0.049

0.037

0.056

16-252

15.950 15.867 15.552

-0.083

-0.315

0.022

0.027 0.045

0.035

0.052

15-1663

15.056 15.029 14.838

-0.027

-0.190

0.024

0.027 0.045

0.036

0.053

3-3689

14.799 15.043 15.043

0.243

0.001

0.028

0.026 0.047

0.039

0.054

10-1359

16.048 16.283 16.254

0.235

-0.030

0.023

0.027 0.052

0.036

0.059

9-76

14.563 14.511 14.149

-0.052

-0.363

0.032

0.030 0.051

0.044

0.059

3-3278

15.102 14.999 14.578

-0.103

-0.421

0.026

0.028 0.049

0.038

0.056

9-1040

15.842 15.809 15.564

-0.033

-0.245

0.043

0.038 0.078

0.058

0.087

9-1561

15.458 15.414 15.190

-0.044

-0.225

0.022

0.027 0.048

0.035

0.055

5-2670

14.666 14.547 13.952

-0.120

-0.594

0.023

0.027 0.051

0.035

0.057

9-1189

15.152 15.131 14.774

-0.021

-0.357

0.023

0.062 0.052

0.066

0.081

10-1117

14.592 14.547 14.247

-0.045

-0.301

0.023

0.027 0.052

0.036

0.059

9-1156

15.410 15.355 15.070

-0.054

-0.285

0.028

0.027 0.048

0.039

0.055

10-1286

14.219 14.104 13.595

-0.115

-0.510

0.025

0.027 0.048

0.037

0.055

16-53

15.426 15.401 15.201

-0.026

-0.199

0.057

0.037 0.052

0.067

0.063

10-1547

15.178 15.164 14.912

-0.014

-0.252

0.023

0.043 0.051

0.048

0.066

5-2928

13.951 13.890 13.517

-0.060

-0.374

0.025

0.027 0.049

0.037

0.056

4-221

14.305 14.188 13.700

-0.117

-0.488

0.025

0.027 0.048

0.037

0.055
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Table 3.8: The spectroscopy results.
Star

V rad

dist (pc) eDist Teff(K) eTeff

Logg

eLogg

15-1438

32.18

3833

964

10333

10-341

32.34

3773

959

10500

471

4.583

0.118

816

4.5

4-1418

44.97

4712

1199

14167

1434

0.2

4.75

0.204

11-2779

52.86

5147

905

9109

4-1762

55.14

5033

506

9053

558

3.837

0.129

612

3.777

0.075

10-0034

62.2

5655

1357

15667

943

4.5

0.2

16-1732

62.69

9785

4914

11083

1124

3.833

0.471

9-70

64.85

4664

748

10667

236

4.583

0.118

10-1652

65.4

6003

988

9500

421

3.99

0.113

4-3024

66.66

5839

1470

11833

825

4.417

0.118

15-1624

67.21

6441

835

9593

227

2.967

0.11

4-0687

67.35

4159

1061

10750

736

4.417

0.118

4-1184

69.28

3842

941

12917

1124

4.417

0.118

4-1495

69.41

5138

1258

15000

816

4.583

0.118

15-3567

70.97

6817

1110

13667

1247

4.083

0.118

3-238

77.66

1166

301

9359

300

4.61

0.193

3-2891

77.66

8057

2797

10917

514

4.5

0.2

10-905

81.76

3383

854

11333

850

4.5

0.2

9-277

84.95

4613

828

10750

540

4.417

0.118

9-1041

85.73

5014

815

10353

597

4.16

0.127

3-1056

86.21

6327

1658

13750

736

4.5

0.2

3-497

94.87

3637

923

11000

408

4.5

0.2

9-260

98.31

6269

1580

11667

624

4.5

0.2

17-2214

99.91

4843

1207

11000

816

4.5

0.2

10-1413

122.43

5323

1284

9222

495

3.687

0.292

16-46

-5.87

9410

5329

7161

611

2.941

0.883

5-619

17.23

14275

8417

7794

783

3.333

0.914

16-252

36.46

2096

887

7986

121

4.418

0.389

15-1663

38.05

9598

6645

7770

598

3.674

0.818

3-3689

46.18

3888

2023

7461

420

3.859

0.479

10-1359

56.65

3197

1655

8222

109

4.354

0.546

9-76

60.62

5375

1516

8659

399

3.904

0.249

3-3278

73.17

6811

3991

6639

296

3.476

0.602

9-1040

76.27

9179

1582

8284

307

3.471

0.362

9-1561

81.53

29174

4683

9775

318

3.33

0.12

5-2670

88.15

6791

1742

11000

707

4.25

0.204

9-1189

91.97

13017

252

7947

65

3.519

0.217

10-1117

94.66

3341

1820

8249

183

4.474

0.538

9-1156

95.72

7284

2930

9581

410

3.211

0.444

10-1286

96.46

6748

3576

8106

533

3.838

0.93

16-53

96.74

2501

1424

8251

390

4.378

0.572

10-1547

108.34

8379

5139

8279

613

3.657

0.969

5-2928

125.41

8124

1300

12167

589

4.417

0.118

4-221

128.32

9306

5688

7502

740

3.273

0.965
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[Fe/H]
-0.326
-0.403
-0.499
-0.467
-0.77
-1.677
-0.371
-0.301
-0.197
-0.255
-0.351
-0.369
-0.386

e[Fe/H]
0.277
0.45
0.46
0.206
0.446
1.259
0.218
0.251
0.024
0.169
0.204
0.26
0.334

-0.126
-0.248
-0.226
-0.456
-0.094

0.151
0.039
0.229
0.18
0.169

-0.026 0.065
-0.126 0.173

-0.432 0.073
-0.636 0.04

-0.121

0.15
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dust. The low reddening stars must be cooler or they would be too blue after the
corrections were applied. Figure 3.10 shows a c-c plot of the corrected colors for the

Figure 3.9: E(B – V) vs. Teff
stars. Clearly using the BMB value (identified as Beers on the plot) do not agree with the
unreddened ZAMS plot. The points representing data corrected with our adopted values
show broad agreement with the theoretical curve.
These two plots serve to confirm that the adoption of the reddening values
predicted by my method is justified. The application of my reddening method to the data
results in data that behaves as I expect they should. They match the predictions of
multiple models. They account for the differential reddening present in the fields. This
has serious implications for the previous papers published on the CMa. They base their
analyses upon the use of the BMB or SFD dust values. I have shown that the use of the
BMB value gives on average the same result as my more thorough and two-pronged
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method, but fails to adequately account for star to star variations due to differential
reddening. I will further address the implications later in this section.

Figure 3.10: Comparing my reddening correction method to that of Beers (BMB).
The figure below shows a plot of the distance versus the local standard of rest radial
velocity. The lsr radial velocity removes the anomalous motion of the Sun I mentioned in
the previous section, which facilitates comparing the measurements to my model. There
is some general agreement of the data to the model. Error bars are not included on the
data points since they obscured the features of the plot. The errors in the velocity are on
the order of 20 km/sec. The model line should be quite a bit thicker as well if I were to
account for the errors introduced by my assumptions. I ultimately can say that the stars
of the BP are in agreement with a disk model. It is still possible that about half of the
stars measured might not be disk stars. When considering the error bars, only about 10%
of the stars seem to be outside the expected range. In my opinion, this suggests that the
stars are thin or thick disk stars.
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I will now turn my attention to the distribution of the stars in distance, and radial
velocity, as shown in figure 3.12 and figure 3.13. Recall that Martin et al. predict that the

Figure 3.11: Distance vs. radial velocity. The stars marked “more” are those with
adopted reddening values greater than the BMB values, and those marked “less” are less
than the BMB value. The solid line is what I predict using my model for disk stars.
clump sits at a distance of around 8 kpc, and that the work of Butler et al. and De Jong et
al. predict that the stars either sit at the same place or lie behind at 10 kpc. Figure 3.12
shows that the stars center on a distance of around 6 kpc, and have an rms scatter of
around 2.7 kpc. I clearly show stars all along the line of sight to the CMa, rather than in a
particular clump. Figure 3.13 shows the distribution of the measured heliocentric radial
velocities of the stars. Martin et al. claim a peak at 109 km/sec with a dispersion of
around 4 km/sec. We measure an average velocity of 90 km/sec with a much larger
dispersion of 28 km/sec. As I showed in figure 3.9, these velocities are in general
agreement with my model for the motion of thin and thick disk stars.
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Momany et al. (Momany 2006) explain that the warp of the Milky Way disk
should have a maximum at an L of 240̊, which is where the CMa has its peak. Figure
3.14 is a plot taken from his paper that shows the location of the CMa indicated on top of

Figure 3.12: A histogram with respect to the measured distance for the stars.
their plot of the warped Galactic disk, as they calculate it from three separate models.
Our line of sight to the CMa, if this is correct, should trace the one scale height line in
this model. Based on this model, our distribution strongly suggests that we are seeing the
signature of the warped Galactic disk.
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I can also use the surface gravity to examine what my results are saying. In figure
3.14, I show Log g vs. T eff as measured for the stars. The lines plotted in the figure are
theoretical isochrones taken from Girardi et al. (Girardi, Bertelli et al. 2002). The stars
that have no Fe/H assigned in the above table were determined to have a value of

Figure 3.13: A histogram with respect to measured heliocentric radial velocity.
approximately -0.5, using theoretical isochrones from Giardi et al. for this analysis. The
average Fe/H for the stars that had measurements made is -0.37, with a 1 sigma spread of
±0.18. The BP stars studied have surface gravities consistent with being main sequence
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stars, and based upon the isochrones they exhibit a 650 Myr spread in ages. The papers
by Butler et al. and De Jong et al. treated the BP as a single population of stars. They
used main sequence fitting models, and made the assumption that the top of the BP is the
turn-off point for the MS. They base all of their results on this assumption. My results

Figure 3.14: The warp model, taken from (Momany 2006).
show that the top of the BP is not composed of turn-off stars, but rather that those stars
are main sequence stars. In light of this, their criteria for determining whether the BP is
co-spatial with the findings of Martin et al. or co-spatial with the spiral arm in the
background are flawed. They are based on erroneous assumptions.
Another study that favors the dwarf galaxy origin for the CMa was published by
Dinescu et al. (Dinescu 2005). They made a proper motion study to determine whether
the stars of the CMa are moving the same or different than stars in the disk. She
determined that the stars of the CMa are moving at 7σ different from the Galactic disk.
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In light of my results, this too is a fundamentally flawed result. She used the distance and
radial velocity found by Martin et al.: 109 km/sec at a distance of 8.1 kpc. Her study
measures the proper motion of the BP, since as she points out, there are dramatically less

Figure 3.15: Surface gravity versus effective temperature.
stars in the field that can be there by coincidence. Recall that proper motion depends
strongly on distance. In light of my results for the BP, this is serious error. The BP
exhibits neither the distance nor the radial velocity she assumes. For that reason her
result cannot be used as evidence for a dwarf galaxy origin for the CMa.
In light of my findings, no other explanation is viable other than that the BP of the
CMa must be due to the warp of the Galactic disk. The stars have all of the expected
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characteristics of the disk. The stars are distributed at a large range of distances and
radial velocities. The majority of papers published on the CMa are flawed either from
assuming the BP stars are at a single distance, or by the use of SFD or BMB reddening
values. I have shown that both of these assumptions will lead to an incorrect
understanding of the populations present in the CMa. It is still possible to attempt to
separate the BP from the M-giant stars studied by Martin et al., but the case for the CMa
originating from the remnants of a cannibalized dwarf galaxy is at best severely
weakened, and in my view is completely refuted.
3.6 Future Work
The CTIO spectroscopy data from the 4m Blanco observing run, 28-29 February
2008, resulted in more than 300 more spectra of BP stars. These stars will be calibrated
in the same way that I describe above for the WIYN stars. The reddening solutions will
have to be obtained for all of these stars as well. These data will be calibrated in the next
few months. The paper below that was submitted to the Astrophysical Journal Letters
refers to a future paper that will include more details on the reddening calibration
technique, and that will include all of the new CTIO spectra. I plan to complete and
submit the long paper this summer 2008.
The BP has been detected by Carraro et al. in the background of open clusters
throughout this third quadrant of the Galaxy. We plan to continue applying this
reddening technique the BP throughout this quadrant, not just centering on the CMa. We
may extend our efforts to include mapping other parts of the Galaxy long term.
3.7 The Astrophysical Journal Letter
The following article was submitted to the Astrophysical Journal Letters on 9
March 2008. I wanted the results of this study to be published as quickly as possible.
We are the first group to obtain spectra for the BP. Our results on the differential
reddening alone are a big result. Add to that our findings that the distances and velocities
are consistent with the structure of the disk, and it was clearly a result that warranted the
quick turn around offered by a letter. When we complete the analyses of the CTIO
93

Texas Tech University, W. Lee Powell Jr., May 2008

spectra, and the corresponding photometry, we will publish a full paper on our methods
and the results for our complete sample. The letter is now in the hands of a reviewer and
we await word on whether we will need to revise the paper. The current form of the
letter was posted to arXiv: astro-ph on 10 March 2008. The paper is listed as:
arXiv:0803.1509.
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3.8 Conference Proceeding: The Frank Bash Symposium on New Frontiers in
Astronomy, University of Texas Astronomy Department, October 2007
The University of Texas astronomy department held a symposium on new
frontiers in astronomy in October 2007. This symposium is held to honor Frank Bash, a
previous director of McDonald Observatory. This conference is different than many, in
that they invite primarily post-docs or recent grad’s to be the speakers. They try to cover
as many topics as they can with the speakers available. I initially registered to present
my work on the CMa in the poster session. When a speaker cancelled shortly before the
meeting, I was invited to present a five minute talk on my work. I was then invited to
contribute to the conference proceedings. It is scheduled to be printed this summer,
2008.
In the time since this paper was written, we have discovered that the McDonald
2.7m telescope LCS spectrograph data is incorrectly calibrated. Three of the stars in the
WIYN data were previously observed on the LCS. We thought that we had finally found
a way to calibrate the radial velocity data from LCS, but the WIYN data was drastically
different. Therefore, we decided to stop using the LCS data.
This paper had already been submitted, and my conclusions are still sound in light
of the new data, if for slightly different reasons. I am not withdrawing the paper,
particularly since this is a conference proceeding and not a major peer-reviewed
publication.
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CHAPTER IV
SUMMARY OF FINAL RESULTS
My work on the Canis Major Over-density’s (CMa) Blue Plume (BP) has been a
definitive success. The project offered a number of serious difficulties, but I believe that
they were all overcome. Dr. Wilhelm and I developed a two-pronged new method for
dealing with differential reddening, taking advantage of our two separate areas of
expertise. Our approach allowed me to show that the reddening estimates used thus far in
the literature are flawed, and have mislead various groups to erroneous assumptions.
Further, as the first group to obtain spectra for the BP, we have definitively settled the
issue of the morphology of the BP. The stars are at a range of distances, not in a clump.
It is not associated with an accreted dwarf galaxy. It is a feature of the disk. This is
unequivocally proven.
As will be shown in Appendix B, my search for globular cluster tidal streams has
not been so successful. The difference between these two projects lies in a few facts.
First, the CMa has been a hot topic in the literature with more than 30 papers published in
just 5 years on the object. Telescope time was easier to obtain because we were well
positioned to settle the debate. The BP is not overly faint, and we were able to obtain the
spectra needed to answer the question on 4m class telescopes, rather than the largest
telescopes. In contrast, I believe that in order to see tidal streams around globular
clusters definitively, I will have to obtain spectra of stars below the main sequence turn
off. That means I need spectra for stars fainter than 18th magnitude, preferably fainter.
That will require access to 8-10m class telescopes, which is extremely hard to obtain.
Moreover, the search is somewhat seen as a risky endeavor. We may not see anything,
and even if we do, we will not have fundamentally broadened our understanding. For the
CMa, we were able to say we will have an answer, one way or the other. That is just not
the case when searching for tidal streams. My photometry is ready for several clusters,
and I have identified candidates that we would like to observe. We will continue trying
to make the case for time on the largest telescopes. It will just take more time than is
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available for this dissertation. We did publish one paper on the topic, which is included.
We will be publishing another on the results we have so far in the next year or two.
Appendix C describes my work on RR Lyrae variable stars. Dr. Wilhelm
developed a new method of detecting RR Lyrae stars in the SDSS, and by extension in
future large datasets. I provided some of the photometry that helped fine tune the
method. I am continuing work on this project. Dr. Wilhelm has generated a list of over
1,000 candidate RR Lyrae variables, and based on our study we predict that 85% of these
will be variable. I will ultimately observe all of these stars. A set of 850 RR Lyrae from
15th to 20th magnitude throughout the halo of the Galaxy would be very useful in
expanding our understanding of the structure of the halo. This project could take a
decade or more, but it is well-suited to the McDonald 0.8m and this type of work makes
involving undergraduates easy. Since I have accepted a position at a liberal arts college,
this means the work is well-suited to the environment I will find myself in next year.
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APPENDIX A
SEARCHING FOR GLOBULAR CLUSTER TIDAL STREAMS

The following description is based on my master’s thesis (Powell Jr. 1998). To
begin, I need to define just what I mean by term “globular cluster”. Arriving at a
definition for what a globular star cluster may be is not such a simple matter as it might
sound. The name is based on an apparent geometrical distribution of stars: globular
clusters appear to be spherical. Appearance alone is not enough to define a globular
cluster. There are open clusters that are globular like in appearance. The main difference
between open clusters are the age and size. Typical open clusters have on the order of
103 stars and are about 1 to 10 parsecs across, while the typical globular has 104 to 106
stars while being roughly the same size. The stellar densities are obviously much higher.
In general open clusters are metal rich and younger, while globular clusters are metal
poor and much older. Since open clusters form in the disk of the Galaxy, and are indeed
still forming as seen in the Orion nebula and the Pleiades, they are made from stuff that
has a major higher enrichment of the elements made through the life of a star.
Generations of stars have seeded the disk of the Milky Way with metals, which is
astronomy means anything other than hydrogen or helium. Globular clusters are thought
to have formed in the halo of the Galaxy, around the time the Galaxy itself formed, and
they are therefore on average much poorer in metals. There is some speculation that
globular clusters might be the remnants of cannibalized dwarf galaxies, but that is still a
matter for debate (Harris 1996).
Tidal streams are formed, as the name suggest, through tidal gravitational
interactions on an orbiting body with the central potential. As a globular cluster orbits
the center of the galaxy, it encounters shocks from crossing the disk of the galaxy. These
shocks lead to streams of stars that have escaped the cluster moving along the orbital path
of the cluster preceding and following the cluster. To understand why this happens I
need to develop some concepts governing the evolution of globular clusters. The
following text is based loosely on the book by Lyman Spitzer (Spitzer 1987), and that of
Heggie and Hut (Heggie and Hut 2003).
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The field of stellar dynamics attempts to describe the motions of stars in galaxies
or star clusters. The mathematics used in celestial dynamics, the branch of physics that
describes orbiting bodies in relatively simple systems such as our solar system, often
diverges when applied to systems such as globular clusters with large numbers of bodies.
Fortunately, precisely because there are so many bodies in the system, the field of stellar
dynamics borrows heavily from the methods of classical statistical mechanics. The
results of computational models of globular clusters predict that through interactions
between cluster member stars, it is possible for stars to increase their velocities to greater
than the escape velocity of the cluster, even if the cluster is treated as isolated. By
isolated, I mean we ignore external potentials. A primary mechanism for gaining escape
velocity is through the formation of binary star pairs. A third star is required to join the
two stars forming the binary: it carries excess energy away in the form of kinetic energy.
So even for an isolated globular cluster, an idealized case, the models show that there will
be stars lost by the system.
For a real globular cluster, we do not have an isolated system. As the cluster
approaches the disk of the galaxy, the stars on the leading side of the cluster experience a
reduced gravitational binding potential. The potential of the galaxy shallows the well, so
to speak. Hence as the cluster approaches the disk increased numbers of stars escape
from the cluster to form a leading stream. The same effect occurs for the stars in the back
half of the cluster as the cluster moves through the disk and moves away, leading to the
formation of a trailing stream. Measurement of the velocity dispersion in these streams
can yield a measurement of the perturbing potential.
Once mapped and measured, tidal streams provide a direct measure for the
amount and distribution of dark matter in the Milky Way, particularly in the halo of the
Galaxy. They can also place constraints on the formation history and mechanisms for
models of the Milky Way. The origin of the halo is difficult to explain, and tidal streams
are thought by some to offer the key to understanding this topic (Ibata 1997).
As mentioned before, the original goal of this dissertation was to map tidal
streams around globular clusters. During the course of this project, I obtained a great
deal of photometry. Some of that photometry was used in the paper at the end of this
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section. I have photometry of the cluster itself and several surrounding fields for the
following clusters: M10, M12, M92, NGC 4147, NGC 6934, Pal 13, NGC 288, and NGC
5053. We had three observing runs on the LCS to obtain spectra of my tidal stream
candidate stars, in the clusters M10, M12, M92, and Pal 13. As discussed above, the LCS
radial velocities have proven useless since they cannot be standardized. Our results
suggest that none of the stars is a match to the cluster fiducials, but without accurate
spectroscopy we cannot be sure.
To make a real determination we will need better spectroscopy. I realized that
there was little chance that we would be able to get that data any time soon. The new
Virus-P instrument on the 2.7m at McDonald Observatory, which is in the final testing
phase, may offer a good instrument to observe the brighter candidates. We are convinced
that to really see any significant signal we are going to have to observe stars that are
below the main sequence turn-off, which is fainter than 17th magnitude for most clusters.
Observing these stars will require time on the largest telescopes available. We are
unlikely to get that time unless we can find tidal streams in the brighter stars, which has
not yet happened. We are in the process of reducing data from NGC 6934, that was
obtained at Las Campanas in Chile on the Du Pont 3.5m. This should be submitted in the
next year. We are not giving up on this project, but it is going to take time and resources
beyond the scope of this dissertation.
One paper was published based upon my work. The paper details the discovery
of tidal streams around the globular cluster NGC 5053. The discovery was made using a
combination of data from the SDSS, and data I obtained at McDonald Observatory on the
0.8m telescope. The data were run through a routine that looks for statistical overdensities of stars relative to a fiducial. We intend to return to this result, and test it by
obtaining spectra on the stars in the over-densities to test that the stars indeed match the
characteristics of the cluster. The paper was published in November 2006 in the
Astrophysical Journal Letters (ApJL 651, L33-L36). The title is “Discovery of a Tidal
Stream Extending From NGC 5053”, and the authors are Adam Lauchner, myself, and
Ron Wilhelm.
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APPENDIX B
RR LYRAE VARIABLE STARS

The paper below describes a new method of finding RR Lyrae in the SDSS
survey, and bye extension over large datasets, developed by Dr. Wilhelm. My part in this
work has been providing photometry to test the variability of stars selected as candidates.
I have use the 0.8m and 2.1m telescopes at McDonald Observatory in this effort. I have
included below a plot that shows the results typical when observing a correctly identified
variable. Not that the difference in magnitude from minimum to maximum light is
around 1 magnitude. This makes identifying the stars relatively easy if you catch the rise

Figure B.1: Differential photometry plot: It shows how the suspected variable’s
magnitude changed with respect to time. The other stars were used as comparison stars
to remove the effect of the night’s sky on the variable data.
in magnitude for the star, which is abrupt and significant. Often the curves are not as
definitive as they were in this case. If I catch the star during the slow relaxation back to
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its minimum light, even several observations if take only over a few hours do not result in
such dramatic proof. In that case, I use statistics to help in identifying stars that are truly
variable. Even when the light curves could be used to make a definitive statement of
variability, I wanted further confirmation. I adopted the statistical analyses detailed in
Sesar et al. (Sesar 2007) to allow us to make more compelling statements about the
variability of the candidate stars. Sesar et al. searched for RR Lyrae in stripe 82 of the
SDSS. Each star they observed generally had a small number of observations taken in a
random fashion so rather than use light curve fitting they used low order statistics to
determine variability. My data is not random, but like theirs it does not provide sufficient
observations to obtain full light curves so we chose to use their statistical approach.
Sesar et al. used two criteria to choose variable stars form their large data set.
First, they looked at the intrinsic variability or rms scatter, σ, which is defined as follows:
2

σ = (Σ − ξ ( m) )
2

1
2

where Σ is defined as:
1 n
( xi − x ) 2
∑
n − 1 i =1

Σ=

and n is the number of observations, ξ (m) is the mean photometric error, xi is the
magnitude of each observation, and x is the mean magnitude of the star calculated
from the observations. If Σ > ξ (m) then σ = 0. They next applied a chi-squared test to
the data. χ2 is defined in the usual fashion:

χ2 =

2
1 n ( xi − x )
∑ ξ2
n − 1 i =1
i

where ξi is the photometric error of the observation.
The selection criteria applied were then:

σ (v) ≥ 0.05mag
χ 2 (v ) ≥ 3
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Terms were calculated for each color, where available, to further confirm variability.
For our calculations, we used the empirical photometric error resulting from our aperture
photometry as ξ. Further errors introduced from atmospheric changes were neglected
since these were suppressed if not eliminated by the process of flattening the curves of
the comparison stars.
Table B.1: McDonald Results (February 2007)
Name
52400-0903-527
52400-0903-579
51608-267-506
51608-267-422
51943-0300-348
51943-0300-315

V (avg)
ξ
0.0251
0.0189
0.0319
0.0799
0.1338
0.0197

n
8
8
8
8
11
11

V
σ
0.0189
0.258
0.167
0.130
0
0.0930

V
χ2
0.055
3.763
0.700
0.0199
0.074
0.566

Variable?
No
Yes
Maybe
No
No
Maybe

Table B.2: McDonald Results (May 2007)

Name

n (V)

n (R)

V (avg)
ξ

R (avg)
ξ

V
σ

R
σ

V
χ2

R
χ2

53471-2002-152
52381-0886-033
52398-0957-626
52339-0785-168
SDSS 13070.52

9
10
9
8
10

9
9
9
9
10

0.0234
0.0286
0.0179
0.0120
0.0256

0.0473
0.0239
0.0143
0.0103
0.0229

0.1789
0.0866
0.4531
0.1941
0.2168

0.1465
0.1088
0.3690
0.1967
0.2108

1.605
0.313
19.978
3.652
2.821

1.072
0.508
16.618
4.385
2.845

Variable?
Maybe
No
Yes
Yes
Yes

Table B.3: McDonald Results (June 2007)
Name
52435-0972-346
52426-0973-288
52913-1425-150
52427-0979-192
52410-0977-630
52427-0979-618
52228-0721-557
52224-0722-343

n
(V)
3
5
5
5
4
7
5
5

n (B)

V (avg)
ξ

B (avg)
ξ

V
σ

B
σ

V
χ2

B
χ2

3
5
5
5
4
5
5
5

0.0103
0.0194
0.0546
0.0190
0.0210
0.0380
0.0310
0.0610

0.0220
0.0206
0.0468
0.0120
0.0260
0.0039
0.0750
0.0370

0.1594
0.2981
0.1874
0.0123
0.5160
0.0311
0.1530
0.0763

0.2270
0.4739
0.2763
0.0452
0.6640
0.0621
0
0.0370

2.641
5.204
0.818
0.0320
20.848
0.0690
0.8750
0.1470

6.064
13.19
1.379
0.2100
35.84
0.1500
0.0780
1.123

There were fifteen stars which we could say with confidence were or were not
variable. There were four more that we designate as needing more data to confirm or
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eliminate with confidence. For these ‘maybe’ stars, the statistics suggest they are not
variable but the partial light curves seem to suggest otherwise. These stars will be
observed again on a later date before we make a final decision on their variability. The
results are listed in Tables 1, 2, and 3.
Of the fifteen stars that we could confidently classify seven are variable. Of
these seven two fail to exceed the χ2 > 3 criterion in one color or both. Star 52435-0972346 has a χ2 in V of 2.641, and a χ2 in B of 6.064. The partial light curve exhibits clear
changes, so we designate 346 as variable. SDSS 13070.52 has χ2 = 2.821 in V and 2.845
in R. Again, when considering the partial light curve, we confidently identify the star as
variable. This may indicate that χ2 > 3 is an overly conservative criterion.
I am continuing work on this project. I ultimately plan to obtain complete
lightcurves of all of the variables I confirm. I am interested in studying differences
between the various types of RR Lyrae, and in measuring the periods for all of these
variables. With the periods I can confirm the distances to the stars. I then will have a
large dataset for probing structure in the Milky Way, particularly in the halo.
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